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In the early Dream ing time when animals and men were all one people, 
Walik the crow and Bari pari the cat decided to build a fish trap  on the 
edge of the sea.
The first day, Balin the barram undi fish was caught in it w ith some of 
his friends and relations. Bari pari and Walik were very happy to find so 
many fish in the trap , but instead of spearing them  straight away they made 
a dance ceremony to show how pleased they were. Balin the barram undi 
called out to other warlike clans to come and help him, but when they came 
they killed and ate all the fish themselves, even the barram undi. W hen the 
crow people and the cat people came back to the beach, they found only 
the big fish bones of Balin lying in the sand. 1 We m ust fight these people, 
but first we m ust bury the bones of Balin for he was our friend and totem. 
We would not have really eaten the barram undi.1 So they found a hollow 
pole and buried the fishbones in it, painted it and set it in the sand. They 
caught up with their enemies and had a big fight, but there were too many, 
and the crows and cats found they were losing. So Walik said to his people 
and Bari pari said to his people, ’Come!’ They picked up the pole with the 
fish bones and flew up to the dark night sky. There they found places to 
camp by the side of the river tha t runs across the sky. The shining path  
of M ilnguya the Milky W ay is really the twinkling of their m any campfires, 
and the small spots of the cats. M any things may be seen along th a t river. 
Walik the crow is there, and the burial pole, Y ing-arpiya the great crocodile 
also swims in the river of stars, and big stars m ark the spines on his back, 
and the curve of his tail.
Aboriginal M yth from Arnhem Land ( A. Wells: Skies of Arnhem  Land. 
Angus and Robertson 1964)
A b s t r a c t
It is argued th a t conditions in the form ation of the protogalaxy led to a two- 
phase system: a system of cool cloudlets in which star form ation eventually 
takes place, imbedded in a hot diffuse medium. The dynamical evolution of 
the system  is investigated using Smoothed Particle H ydrodynam ical m eth ­
ods. The dissipation caused by the cloudlets colliding with each other is 
taken into account. It is shown that models which initially have little  ro­
ta tion  can collapse to form objects similar to elliptical galaxies. Models 
which initially are ro tating  rapidly collapse to form objects similar to disk 
galaxies, except tha t a massive thick disk is formed, not a massive th in  
disk. This is due to the fact tha t secondary star form ation is not taken into 
account properly. Thus in this model the thick disk forms first, and then 
the th in  disk is formed by secondary star formation.
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11.1 In tro d u ctio n
A successful theory of galaxy form ation m ust address the following:
(1) Were ellipticals and spirals formed by the same basic m echanism s, 
or were ellipticals formed by an entirely different process, e.g. m ergers of 
disk galaxies? If elliptical and spiral galaxies were formed by the same 
m echanism , w hat are the key param eters which determ ine w hether a  given 
protogalaxy evolves in to  a spiral or an elliptical?
(2) It is clear th a t dissipation is an im portan t process in the form ation 
of spiral galaxies. Is dissipation also an im portan t process in the form ation 
of ellipticals?
(3) Do the disks of spiral galaxies form suddenly through a rap id  col­
lapse, or over a longer tim espan? Is the m etal-weak halo of a disk galaxy 
formed during the initial collapse, before the disk is formed, or is it form ed 
by a separate  process such as the accretion of satellites or by mergers?
(4) W hat role does dark m a tte r play in the form ation of galaxies?
(5) D ynam ical and chemical evidence from the halos of spirals should 
be taken in to  account. Do globular clusters and halo field stars stem  from 
the same initial population? W hy are all the globular clusters in regular 
galaxies, such as our own, old, whilst globular clusters in irregular galaxies 
such as the LMC seem to  be m uch younger? Were globular clusters form ed 
from gas clouds w ith masses sim ilar to  present day clusters, or are globular 
clusters the surviving fragm ents of larger systems?
(6) D ynam ical and  chemical evidence from the disks of spirals should 
also be taken into account. W hy do disks have abundance gradients and 
why do disks have an exponential density d istribution? Is the thick disk 
observed in the Milky W ay really a separate population and an in trinsic 
feature of external spiral galaxies? W as it formed during the initial collapse, 
before the  th in  disk, or form ed later by heating processes occurring w ithin 
the th in  disk?
In the past there has been a tendency to  trea t chemical and dynam ical 
evolution as separate problem s. In this thesis we a ttem p t to construct a 
simple m odel for collapse in a m ulti-phase medium, including star form ation 
and dissipation. We will review the observational d a ta  pertain ing  to  this 
problem.
21.2 T h e  P h y s ica l S tru ctu re  o f  P r o to g a la x ie s
M cC arthy et al. (1987) have discovered a large cloud of ionized gas as­
sociated w ith the radio source 3C326.1, which is a prom ising candidate 
for a protogalaxy. Spectra  and direct imaging of the Lya emission re­
veal a cloud w ith a redshift of 1.82 and diam eter of «  100 kpc (H 0 =  
50k m s ~ l M pc~ l i q0 =  0, A0 =  0). The to ta l lum inosity of the cloud is of 
the order of 1045 ergs s~l . The to ta l mass of ionized gas is estim ated  to 
be 10' to 1011 M®, depending upon the dum piness of the gas. There is no 
lum inous galaxy or quasar near the center of the cloud. The spectroscopic 
d a ta  are consistent w ith photoionization by young stars, w ith a to ta l of 
1055 ionizing photons being produced in the cloud each second. Assuming 
a s tan d ard  Salpeter IM F, M cC arthy et al. estim ate th a t a s ta r form ation 
ra te  of ~  500JV/®yr-1 is required.
The above discussion suggest th a t galaxy form ation can take place a t 
ra th e r late  epochs. This possibility is supported  by the observations of ab­
sorption lines seen in the spectra  of quasi-stellar objects. It is commonly 
believed th a t these lines arise in the halos of intervening galaxies w ith red- 
shifts m uch lower th an  th a t of the QSO. In order to explain the com plexity 
of the lines there m ust either be num erous absorbing entities w ithin each 
halo, or fewer absorbers w ith each absorber producing complex absorption. 
It is well known th a t stars in the LMC show a complex absorption line 
system  (e.g. Savage and Jeske 1982). York et al. (198”) postu la te  th a t 
the QSO absorption line system s are formed when lines of sight to  the 
QSOs pass through the halo of a massive protogalaxy which is com prised 
of subunits sim ilar to the M agellanic Clouds.
The above evidence, although ten ta tive  and prelim inary, suggests th a t 
galactic collapse is not homogeneous; s tar form ation takes place in clumps. 
The huge ra te  of s ta r form ation estim ated  by M cC arthy implies a supernova 
ra te  of about 5 y r-1 . These supernovae m ust have a profound effect on 
their environm ent, enriching the local m edium  and perhaps producing a 
supernovae driven wind.
31.3 T he Epoch of Star Form ation o f the Halo 
P opulation
G lobular clusters, being the oldest identified physical structu res in galaxies, 
have the po ten tia l to provide us w ith valuable inform ation on the form a­
tion and early evolution of the Galaxy. It seems th a t the globular cluster 
population  can be divided into two groups: (1) relatively m etal-enriched 
clusters confined to the inner halo (<10 kpc) in a ro tationally  flattened 
d istribution , (Zinn 1985) and (2): m etal-poor clusters which can be found 
at all galactocentric radii. A part from this dichotomy, there is some ev­
idence for a weak abundance gradient, though there is a large spread of 
abundance at all galactocentric distances (Pilachowski 1984, Zinn 1985). 
If the  Galaxy was formed by a slow pressure supported  collapse, w ith the 
form ing stars coupled to  the rem aining gas, a pronounced halo gradient 
would be expected. On the  o ther hand, if the Galaxy formed rapidly, as 
envisioned by Eggen, Lynden-Bell and Sandage (1962), or slowly bu t in a 
chaotic m anner as proposed by Searle and Zinn (1978), no gradient would 
be expected. W ith  the exception of M22 and l j Cen, Galactic globular clus­
ters exhibit a uniform  abundance of elem ents heavier th an  the CNO group 
w ithin  the stars of a particu lar cluster. This suggest th a t protoclusters 
were well mixed, perhaps by supernovae.
Rodgers and Paltoglou (1984) m ade ro ta tion  solutions for globular clus­
ters in several abundance intervals. The ro tational velocities for most of 
the  abundance intervals below [Fe/H ]< —0.8 were in the range 40 to 100 
km  s-1 . The 30 clusters in the range —1.3 > [F e/H ]>  1.7 however showed 
retrograde m otion, w ith the ro ta tional velocity of -70 km s-1 . Rodgers and 
Paltoglou suggested th a t these retrograde clusters m ay have come from a 
common paren t satellite galaxy which was accreted by the Galaxy.
C aputo  and  Castellani (1984) found th a t in contrast to the innerm ost 
globular clusters, the outer clusters, w ith galactocentric distances >13 kpc 
have a surface brightness-m etallicity  relationship, in the  sense th a t the 
surface brightness decreases as m etallicity decreases.
There have been a num ber of studies undertaken  to  estim ate the ages 
of globular clusters ( e.g. G ra tto n  1985, Sandage 1953) and hence an age-
4galactocentric radius relationship. It is very difficult to determ ine the ages 
of globular clusters accurately because there are a large num ber of variables 
(e.g. reddening, distance m odulus, m etal abundance, Helium abundance), 
which one m ust adjust to obtain  the best fit between theoretical models 
and  observations. There is some evidence from these studies th a t clusters 
have a weak age -m et alii city relationship, in the sense th a t the innerm ost 
m etal-rich clusters m ay be slightly younger, bu t in general it is estim ated  
th a t the clusters are approxim ately coeval w ith a m ean age «  15 x 109yrs 
and a spread of «  1.5 x 109yrs. M etal-poor clusters m ay have a steep red  gi­
an t branch, indicating extrem e m etal deficiency, but a short red horizontal 
branch , indicating only m oderate m etal deficiency. C lusters w ith ap p ar­
ently  sim ilar m etallicities and Helium abundances m ay have different hori­
zontal branch  morphologies. This ’second p aram eter’ effect is most m arked 
for clusters a t large distances from  the Galactic center. One possibility 
for the  second param eter is age: if this is the case the outer halo clusters 
are younger and formed over a longer timescale th an  the inner m etal-w eak 
clusters. Lee et al. (1987) use synthetic horizontal b ranch  models to argue 
th a t the halo m ust have formed over a span of 3 x 109yrs. W ith in  the 
uncertain ties, clusters in the halo of our Galaxy all have ages sim ilar to 
the Hubble tim e, whereas young globular-like clusters can be found in the 
LMC.
O bservations of the globular cluster system s of the LMC, SMC, M31, 
M87, Cen A, and the Fornax dw arf elliptical, show th a t these system s 
have few system atic properties in common with each other, or w ith the 
G alactic globular cluster system  (B urstein  1986). There is some evidence 
however th a t the m ean cluster lum inosity is independent of the paren t 
galaxy lum inosity and  type (H arris 1987).
It m ust be rem em bered th a t the currently  observed param eters of glob­
u lar clusters can be affected by their dynam ical history. If there was a 
strong abundance gradient a t early tim es, it m ay be sm oothed out by the 
dynam ical evolution of the globular cluster system. If the globular clus­
ters we see today  are survivors of a larger initial population, they m ay be 
a biassed sample of this population because disruptive processes will af­
fect clusters w ith different positions, masses and densities in different ways. 
T hus we do not expect field stars in the spheroid and m em bers of globular
5clusters to have exactly the same distributions, even if they all originally 
came from  the same population. Clusters can be dissolved by dynam ical 
friction, by tidal stripping as they pass through the disk or nucleus, and  by 
in ternal evolution, either whilst the clusters are still gaseous, or after s ta r 
form ation has taken place. If the present day masses of globular clusters 
are only a few percent of the ir original mass prior to  s tar form ation, as 
some studies suggest (Sm ith 1986), a m ass-m etallicity relationship m ay be 
an indication th a t self-enrichment has occurred, ra th e r than  an indication 
th a t protoglobular clusters had  such a relationship. Tw o-body relaxation 
and interactions w ith its environm ent will wipe out most traces of a clus­
te r 's  initial s ta te  so conclusions about the form ation of the Galaxy based 
on evidence from globular clusters have to be trea ted  w ith caution.
The num ber of Galactic field halo stars exceeds by about a factor of 100 
the num ber of stars w ithin the « 1 0 0  globular clusters ( M(clusters)  «  
2 x 107M q , M(halo)  «  3 x 109M®). In general, halo field stars and  glob­
ular cluster stars exhibit the same chemical properties. Carefully selected 
samples of field halo stars can solve some of the small num ber statistics 
problems associated w ith globular cluster analysis. In the solar neigh­
bourhood, the m etal-w eak halo ro tates very slowly and has a m etallicity  
[Fe/H ]< —1.0.There is no obvious abundance gradient and no change of 
ro ta tional velocity w ith m etallicity  (Freem an 1987). There are however the 
A-Stars of Rodgers (1971) which have the high velocities associated w ith  
the halo, bu t are m etal rich. There are also halo OB stars, w ith solar com­
position found at distances of up to about 4 kpc from the plane (House and 
Kilkenny 1978). It is not clear w hether these stars are really p a rt of the 
halo, or the thick disk, or w hether they have escaped from  the th in  disk.
Halo dw arf stars, which are little  affected by mixing of in ternal nuclear- 
burning products to the ir surfaces, can be regarded as samples of the  in­
terstellar m a tte r from the early evolution of the Galaxy. Unlike disk stars, 
m etal-poor field stars w ith Z< 0.1Z® have relative abundances of chem i­
cal elem ents which differ system atically from those of the sun. It is well 
known th a t oxygen is less deficient than  iron in very m etal deficient stars, 
[O /F e]«  0.5 for [Fe/H j<  —1.0 (e.g. G ra tton  and O rtolani 1986). In con­
tra s t, the carbon and nitrogen abundances of m etal-poor dwarfs tend  to 
follow the Iron abundances quite closely (e.g. Laird 1985). The a elem ents
6Mg, Si, Ca, and Ti, are generally found to be enriched relative to Fe by 
about 0.5 dex for [Fe/H ]< —2 (e.g. Luck and Bond 1983), whilst the odd- 
Z elem ents alum inium  and sodium  appear to  have abundances relative to 
Iron which are solar or sub-solar (G ra tto n  and Sneden 1987). In general 
the dispersion of [el/Fe] a t a given [Fe/H] is relatively small, and no larger 
th an  the present errors of m easurem ent. A smali intrinsic dispersion in 
these elem ent ratios relative to  [Fe/H] implies a homogeneous protogalaxy 
and efficient mixing. The trends in elem ent ratios as a function of [Fe/H] 
can be explained by m odels in which oxygen and the a  elem ents are pro­
duced m ainly by massive stars (SN II), whilst carbon, nitrogen and iron are 
m ainly produced by low and in term ediate mass stars, and associated SN I 
(e.g. M atteucci 1987). There is no need to invoke an initial mass function 
which favours massive s ta r form ation a t early times, the effects are due to 
the short lifetimes of the massive stars which overproduce oxygen, whilst 
iron is locked up in longer lived, lower mass stars. For a num ber of ele­
m ents, e.g. oxygen and  carbon, there appears to be a sudden change in 
slope of abundance ratios as a function of [Fe/H] at [Fe/H] «  -1.0. This 
m ay be due to the influence of the thick disk.
Field halo stars exist w ith m etallicities lower th an  those of the most 
m etal poor Galactic globular clusters (e.g. Bessell and Norris 1984). There 
is some evidence th a t the globular clusters are slightly older than  the halo 
field stars (S trom  et al. 1981 and Forte et al. 1981). These authors 
investigated the UBR colours of the globular cluster system s around four 
Virgo cluster galaxies. They found th a t bo th  the globular clusters and 
the spheroid in which they are em bedded show a colour gradient, in the 
sense th a t they become bluer w ith increasing radius. The m ean globular 
cluster colours are bluer th an  those of the spheroid a t the same projected 
galactocentric radius. This can be in terpreted  as a m etallicity difference 
betw een the globular clusters and the spheroid, w ith the globular clusters 
deficient in m etals by about 0.6 dex. In general, globular clusters also have 
a more extended spatial d istribution  and a fla tter density profile th an  the 
background stars in galactic spheroids indicating th a t the clusters may be 
slightly older. There are abou t ten  tim es fewer field horizontal branch  stars 
bluer th an  the  R R  Lyrae gap in the Galactic halo th an  one would expect 
from  com parison w ith G alactic globular clusters. One possible explanation
yfor th is is again th a t the field stars are on average younger th an  the globular 
clusters by about 2 Gyr, because theoretical models show th a t such an age 
difference w ith the same m etallicity causes the horizontal branch  to collapse 
to the red (e.g. Rood 1973).
1.4 E v o lu tio n  o f th e  D isks of S p ira l G alax ies
Freem an (1970) showed th a t the surface photom etry  of most disk galax­
ies could be fitted  by an exponential d istribution  out to a t least five scale 
lengths w ith a  near constant value for the central surface brightness. In 
a survey of 51 disk galaxies, Van der K ruit (1987) found th a t their su r­
face brightness d istribu tion  could be fitted  by I ( R )  =  I0exp(—R / h )  w ith 
scale lengths h varying betw een about 1 and 8 kpc. The central surface 
brightness had a m ean value IQ =  21.8 J-m ag arcsec-2 w ith a s tan d a rd  
deviation of only 0.6 J-m ag arcsec-2 . Van der K ruit showed th a t th is n a r­
row spread in central brightness could not be produced by sample selection 
effects, although allowance for selection effects did significantly a lter the dis­
tribu tion , resulting in a strongly peaked d istribution w ith a fain ter peak: 
Io =  22.7 -f 0.9 J-m ag arcsec-2 . Van der K ruit showed th a t a exponential 
disk is consistent w ith the  collapse of a uniformly ro tating , uniform  density  
sphere w ithin the po ten tia l of a dark massive halo. The narrow  spread in 
central surface brightness probably corresponds to a small range in cen­
tra l surface density. The origin of the exponential disk and the associated 
angular m om entum  distribu tion  should be predicted by galaxy form ation 
models.
The first indications of radial com position gradients in external spiral 
galaxies came from Aller (1942) who found a radial gradient in the emission 
line ra tio  OIIIJ/H/J. It was la ter found th a t o ther emission line ratios such 
as [O il]/[N il], [N II]/H a, and  [SII]/[NII] also show significant radial g radi­
ents. Searle (1971) realized th a t these gradients could be due to abundance 
gradients. W ith  the help of idealized models of HII regions he was able 
to  show th a t the [OIIIJ/H/? and [N il]/[O il] gradients were probably due to 
O /H  and N /H  gradients respectively. Shields (1974), using more detailed  
com puter models, confirmed the  existence of a com position gradient: vari­
ations in stellar tem peratu re , the dust to gas ratio , and gas density  were
8ruled ou t as the prim ary cause of emission line gradients. Since then  there 
have been m any fu rther studies. In general they all find th a t abundances 
increase tow ards the inner region of the disk w ith sim ilar gradients. There 
is no evidence for flattening of the abundance gradients towards the inner 
regions, in fact there is some evidence th a t the gradients may steepen.
In order to  com pute abundances it is necessary to know the electron 
tem pera tu re . This can be determ ined by m easuring the [OIII] A4363/A5007 
line in tensity  ra tio  which is tem peratu re  sensitive. U nfortunately  the A4363 
line is only detectable in relatively hot and bright HII regions. T hus this 
line can be m easured and the electron tem peratu re  directly determ ined 
only for the  high electron tem peratu re  outer regions of disks. For the inner 
regions of disks one is forced to use models of photoionised HII regions or 
m ethods based on em pirical relationships between various line ratios and 
the  electron tem perature.
T he study  of shock ionised gas in supernova rem nants provides an in­
dependent m ethod of determ ining radial abundance gradients. The abun­
dances and  physical s ta te  of the swept-up in terste llar gas are determ ined 
by m odelling the spectrum  of the gas. A lthough subject to considerable 
errors, these should be com pletely different from those suffered by m ethods 
using HII regions. The m ethod can only be applied to  evolved SNR where 
con tam ination  from the supernova is negligible. The m ethod has been ap­
plied to  the  M agellanic Clouds (D opita et al. 1977), M33 (D opita  et al. 
1980), M31 (B lair et al. 1981), and the Galaxy (see below). The results 
for M33 are in good agreem ent w ith those obtained by Pagel et al. (1979), 
from  HII regions (see Pagel and Edm unds 1981).
In the  light of the  above discussion for external galaxies it is interesting 
to see w hether our own galaxy has an abundance gradient. It is also possi­
ble to  determ ine age effects which are very im portan t for chemical evolution 
models. O bservations of supernova rem nants, p lanetary  nebulae, open clus­
ters and  H II regions all confirm the existence of a Galactic radial abundance 
g radient sim ilar to those found in external spiral galaxies. There is broad 
agreem ent on the abundance gradients obtained from the different types of 
objects a lthough older objects m ay show a smaller gradient. HII regions 
w ithin a few kpc of the sun have an average gradient d [0 /H ] /d r  ^  —0.1 dex 
kpc-1 w hilst stars of in term ediate  age have a gradient d[Fe/H]% —0.05 dex
9kpc 1. Lewis (1986) did not find a radial abundance gradient in a sample 
of some 600 old disk K giants.
Twarog (1980), Nissen et al. (1985) and Carlberg et al. (1985) have 
determined the age-met alii city relationship for disk stars in the solar neigh­
bourhood. Although their results are significantly different, all studies show 
that, if disk stars exhibit a systematic increase of metallicity with the es­
timated time of their formation, the effect is small. The mean metallicity 
of the disk has increased by a factor of at most 3-4 over the lifetime of the 
disk.
Recent studies, e.g. Gilmore and Reid (1983) have shown the existence 
of a distinct stellar population of the Galaxy which has chemical and kine­
matic properties intermediate between those of the metal poor extreme 
spheroid and the metal rich disk. Similar thick disks have been found by 
Van der Kruit and Searle (1982) in other disk galaxies with bulges, but not 
in galaxies with negligible bulges. The existence of this ’thick disk’ shows 
that the formation and subsequent evolution of the Galaxy must have been 
more complex than the simple collapse envisioned by Eggen, Lynden-Bell 
and Sandage (1962) (ELS). The Galactic thick disk has a scale height of 
~ lOOOpc compared to the thin disks scale height of 300pc. It is relatively 
metal rich with [Fe/H]> —1 (Freeman 1987). It is rotat ing rapidly with 
a characteristic rotational velocity at the sun of «  190 km s-1 compared 
to ~ 210 km s_1. Near the sun, there does not appear to be a rotationally 
intermediate population between the metal weak halo (which rotates very 
slowly), and the rapidly rotating thick and thin disks. It is not yet clear 
whether the thick disk is really a discrete population, or just an extension 
of the thin disk. Did it form during the Galactic collapse, before the gas 
settled in the vertical direction, or did it form from the thin disk by some 
heating process?
The apparent abrupt discontinuity in rotation between halo and disk 
suggests that they may not have a common origin. The halo may form 
through the accretion of satellites, both before and after the disk material 
has reached centrifugal equilibrium. In these accretion pictures, the glob­
ular clusters form in satellites which may be like the Magellanic Clouds. 
The globular clusters survive the accretion event because they are strongly 
bound, whilst the rest of the satellite is disrupted and becomes part of the
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field halo of the galaxy. Quinn and G oodm an (1986) show th a t if a satellite 
is accreted by a galaxy, most of its orbital energy goes into heating the disk 
of the paren t galaxy. This heating is one way to  produce a thick disk.
1.5 E arlier T h eo r ies  o f  G a laxy  F orm ation
In the past there has been a tendency to trea t the chemical evolution of a 
galaxy and its dynam ical evolution as separate problems. In the simplest 
models, s ta r form ation and chemical evolution are assum ed to take place 
in a closed box, isolated from  the outside environm ent. Such a model of­
ten  provides results which are rough approxim ations to more sophisticated
models. Assuming the instaneous recycling approxim ation (i.e. neglecting
a
the lifetime of a star, and assum ing th a t gas, enhanced by the heavy el­
em ents produced by the star, is im m ediately re tu rned  to the in terstellar 
m edium ), it is easily shown th a t the m ean gas abundance for a system 
which is initially all m etal-free gas, is approxim ately given by: Z  — y i n  y ~ l 
for Z  < <  1, where y  is the fractional gas content of the region, and y is 
the yield. T hus the abundance is independent of the ra te  of s ta r form ation. 
For a spiral galaxy, if a ring of radius R , w ithin the disk, can be trea ted  as 
an isolated region, then  it can be seen th a t an abundance gradient results 
because y  decreases tow ards the galactic center. For a constant yield the 
model however predicts gradients which are too small com pared to those 
observed.
It is well known from studies of long-lived G and M dwarfs th a t there 
is a striking deficiency of very m etal poor stars in the solar neighbourhood. 
Less th an  10 percent of stars have Z  < Z q /3.  This is the so-called ’G- 
dw arf’ problem , as it is in conflict w ith simple chemical evolution models. 
There have been m any refinem ents made to the simple m odel to rectify this 
discrepancy. These include:
(1) M etal-enhanced s ta r form ation: it is assumed th a t stars form pref­
erentially in regions of enhanced m etallicity e.g. Talbot and A rnett (1973);
(2) Variable initial mass function: it is postu lated  th a t relatively more 
massive stars are form ed in m etal-poor gas so th a t the effective yield is 
greater in the past e.g. Pagel and P a tch e tt (1975);
(3) P rom pt initial enrichm ent: it is postu lated  th a t an early burst of
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s ta r  form ation occurs either before or very early on in the form ation of the 
galaxy e.g. T ru ran  and Cam eron (1971);
(4) Bim odal s ta r form ation: the initial mass function is assum ed to be 
a double-peaked function of mass, w ith a second peak at a  mass greater 
th a n  1 Af®, so th a t relatively more massive stars are formed (G usten and 
Mezger 1983, Larson 1986).
(5) Infall: it is postu la ted  th a t the disk accretes m etal poor gas from 
the  extrem e halo at a ra te  com parable to the s tar form ation ra te  (e.g. 
Lynden-Bell 1975).
The easiest of these to justify  is the infall hypothesis. In order to fit the 
m etallicity  d istribution  of the G-dwarfs in the solar neighbourhood with 
th is process alone, long infall timescales are required, of order 3-6 Gyr. 
Such long timescales im ply th a t the m a tte r falling into the disk was ini­
tia lly  at very large radii, «  300-600 kpc. Infall of m aterial is more likely 
to  be im p o rtan t for galaxies forming in rich clusters of galaxies. In the 
hydrodynam ical m odels of Larson (1976) the bulge formed first in a fairly 
rap id  collapse, whilst the  disk forms over a prolonged period from infalling 
gas which is already som ewhat enriched through the evolution of the first 
generation of halo stars. Infall of m etal poor gas however produces a shal­
lower gradient th an  would be the case w ithout infall, so the comparison 
w ith  observed gradients is even worse. Infall also produces gradients which 
fla tten  a t small radii, because the im portance of infall is greatest a t the cen­
ter. Most infall m odels claim th a t the initial disk m etallicity is less th an  a 
ten th  of the present m etallicity. Consequently these models have difficulty 
fitting  the observed age-met alii city relationship at early times. The infall 
of m aterial from  the halo w ith  low angular m om entum  is likely to  drive a 
rad ial flow in the disk, but th is is not taken into account by most models. 
In itial infall is needed in order to form the disk, bu t it is not clear w hether 
prolonged infall of gas at a ra te  com parable to the s ta r form ation ra te  took 
place.
B im odal s ta r form ation has the potentia l to solve the above problems. 
In these m odels the low-mass m ode of s tar form ation becomes more im por­
ta n t as the m etal abundance exceeds a critical threshold. The high-mass 
m ode is more im p o rtan t a t early times. Thus bim odal s ta r form ation is a 
varian t of the variable IM F model. The dom ination of m assive s ta r forma-
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tion at early tim es allows a higher fraction of mass to be become trap p ed  
in the  form  of dark rem nants such as white dwarfs, neutron  stars and black 
holes. T he low-mass m ode of s ta r form ation is partially  suppressed in the 
inner regions of a disk galaxy, so a steeper abundance gradient results. In 
our own Galaxy, the two modes of s ta r form ation m ay be spatially d istinct, 
w ith  high m ass stars formed preferentially in the vicinity of the spiral arm s 
and  low m ass stars formed throughout the disk (G usten and Mezger 1983). 
L arson’s m odel fits all the properties of the solar neighbourhood except th a t 
the  m odel produces about 20 tim es too much oxygen if the usual recip es 
for nucleosynthesis are applied. In order to produce the am ount of oxygen 
observed in the solar neighbourhood Larson assum ed th a t only stars w ith  
masses <  17M q explode as supernovae and release oxygen. This m ay lead 
to  o ther problems: the m odel m ay produce too high F e /O , N /O , C /O .... 
ra tios and too m any black holes. An alternative solution is th a t oxygen is 
preferentially  removed from the system  by a galactic wind.
T he thick disk provides a possible site of the ou tburst of s ta r form ation
required by the  prom pt initial enrichm ent model. In this scenario, the thick
disk forms before the th in  disk. The th in  disk forms from  m aterial which
has been pollu ted  by m etals produced in the thick disk. There are however
some spirals which do not have a thick disk, yet they have a th in  disk of
norm al m etallicity. The rap id  ro ta tion  of the thick disk and its relative
m etal richness also seems to conflict w ith this model. W here then  are the
long-lived low mass stars which are the consequence of an early burst of s ta r
form ation w ith  a norm al IM F? If the ou tburst occurred in the halo, one
would th en  expect th a t disk galaxies w ith a small spheroidal com ponent
would be m etal poor com pared to disk galaxies w ith a larger spheroidal
com ponent. This is not the case. One way to solve this problem  is to  pos-r
tu la te  th a t only massive s ta r form ation occured in this early ou tbu rst. In 
this m anner, the model is sim ilar to the bim odal s tar form ation hypothesis, 
in th a t m assive s ta r form ation dom inates at early times.
There is no convincing theoretical reason to  suppose th a t s ta r form ation 
takes place preferentially in regions of enhanced m etallicity. Hence this 
hypothesis is ra th e r ad-hoc. For this process to solve the G-dwarf problem  
by itself, there  has to be large inhomogeneities and a very low s tar form ation 
ra te  in m etal poor regions is required, yet we know from the halo th a t stars
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can be formed w ith low inetallicity.
ELS proposed th a t the Galaxy formed from a rapid  collapse to a disk of a 
gaseous cloud: the older m etal-weak stars formed at the s ta rt of this process 
whereas the m etal rich stars formed m uch nearer the plane. To support 
this model, ELS observed th a t the orbital eccentricity, the velocity in the 
z-direction and the angular m om entum  per unit mass all correlate w ith  the 
ultraviolet excess, which is a m easure of metallicity, in their kinem atically 
selected sam ple of halo stars. ELS found th a t all their meted weak stars ( 
F e /H <  —1.2) had  high orb ital eccentricities (e >  0.4). This correlation has 
been shown by Norris et al. (1985) to have been biassed due to kinem atic 
selection effects. In their non-kinem atically selected sam ple they found a 
population of m etal-poor objects w ith lower orbital eccentricities and  high 
ro ta tional velocities. These stars could be the m etal-weak tail of the thick 
disk.
In a pioneering series of papers, Larson (1969, 1976) constructed  m od­
els of the dynam ical evolution of spiral and elliptical galaxies, assum ing a 
pressure-supported  slow collapse from a uniform sphere. If gas can dissi­
pate  a substan tia l am ount of energy before s ta r form ation takes place, a 
disk can form. In these models the form ation of the the disk takes place 
over a tim escale longer th an  th a t characterizing the form ation of the galac­
tic spheroid. These models however always resulted in system s w ith only a 
small fraction of their initial mass in the disk unless large ad hoc assum p­
tions were m ade about the s ta r form ation rate.
There are three types of hydrodynam ic models for the form ation of 
elliptical galaxies:
(1) D issipationless Collapse- If rapid  early s tar form ation occurs, gaseous 
dissipation will be un im portan t. There have been m any N -body experi­
m ents, which show th a t objects sim ilar to elliptical galaxies can be formed 
(e.g. van A lbada 1982). Early models overemphasized the  role of ro tation. 
R otation  does not generally play an im portan t role in the dynam ics of el­
lipticals. The flattening of ellipticals can be understood if the stars have a 
anisotropic velocity d istribution.
(2) D issipative C ollapse-Properties such as chemical abundance gradi­
ents, the colour-lum inosity relation, and the m etallicity-velocity relation, 
suggest th a t dissipation is an im portan t process in the form ation of ellip-
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tical galaxies. Larson (1969, 1974) and Carlberg (1983) have conducted a 
num ber of num erical experim ents which show th a t w ith a simple description 
of the  gas cloud physics, one can produce acceptable models of ellipticals.
(3) Mergers- The observation th a t ellipticals occur predom inately in rich 
clusters suggests th a t they m ay be formed as the result of mergers.
There have m any a num ber of hybrid m odels which incorporate elem ents 
of b o th  dissipationless and dissipational collapse. If the protogalactic gets 
consists of discrete cloudlets (see chapter 2) the outer regions m ay suffer 
a dissipationless collapse, whereas dissipation m ay be im portan t in the 
inner regions where collisions are more likely to occur. The chemical and 
dynam ical properties of such a model have not been worked out in detail.
O bservations which show th a t spiral galaxies have flat ro ta tion  curves 
out to large radii, and th a t the virial masses of galaxy clusters are m uch 
larger th an  the observed masses, indicate th a t a significant am ount of m a­
teria l in galaxies m ay be unseen, dark m atter. This m ay be in the form of 
low-mass dwarfs, or dead rem nants of norm al 1-100 M© stars, or perhaps 
non-baryonic m a tte r (T urner 1985). If there is a significant am ount of such 
m ateria l it should be taken  in to  account by models of galactic evolution. 
If m assive stars form  preferentially a t early times, as in the bim odal IM F 
models of Larson (1986) for instance, dark m atte r occurs natu rally  in the 
form  of stellar rem nants.
1.6 T he N eed  for a M ulti-phase M odel.
Hot gas, consisting of the p roducts of supernovae and mass loss, will be more 
prevalent a t early tim es, especially in those models such as the bim odal 
s ta r form ation model of Larson (1986) in which massive stars form  at a 
decreasing ra te  as the galaxy evolves. S tar form ation m ust have occurred 
at a m uch faster ra te  th an  th a t which is presently observed in the  solar 
neighbourhood in order to form  ellipticals and the spheroidal com ponent of 
disk galaxies. It is shown in the  following chapters, th a t an inhomogeneous 
collapsing protogalaxy can support a significant hot gaseous corona, and 
th a t consideration of such a corona is im portan t for understanding the 
chemical and dynam ical evolution of galaxies.
A m ulti-phase m odel is required to  describe the current sta te  of galaxies.
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Shklovsky (1952) was the first to infer the existence of a low density hot 
G alactic corona, from the observed high la ttitu d e  nontherm al radio emis­
sion from  the Galaxy (see also Pawsey (1965)). Spitzer (1956) suggested 
th a t gas, heated  in the Galactic plane, m ay escape from the disk and form 
a hot low density corona. Spitzer proposed th a t a tenuous gas w ith tem ­
peratures in the range 105 to 3 x 106K was required to provide the pressure 
to  confine the observed high la ttitu d e  clouds seen in Ca II resonance ab­
sorption. Coronal gas w ith such tem peratures radiates very inefficiently by 
b rem strahlung, and m ay persist for millions of years w ithout a heat source. 
In con trast, cooler gas can rad iate  very efficiently following collisional ex­
citation. Thus the presence of coronal gas is independent of the specific 
model for heating which is used.
Highly ionised species such as C IV, Si III, and Si IV, have been observed 
in the Galactic halo by resonance line absorption against extra-galactic 
sources w ith low systemic velocities, using the IUE (e.g. York et. al. 
(1982)). Results confirming the existence of these species in the halo have 
been obtained  from studies of galactic stars at large distances from the 
Galactic plane (see e.g. P e ttin i and West (1982)). The origin of such highly 
ionised species is unclear. They m ay be produced from: (a) the evaporative 
interfaces of cold clouds imm ersed in the hot m edium  (Mckee and O striker 
(1977)) or (b) a  cooler gas ( % l x  105K) in collisional ionisation equilibrium  
(F itzpatrick  and Savage (1983)) or (c) nonequilibrium  radiative cooling of 
gas in a Galactic fountain  flow (Bregm an (1980)). A Galactic fountain, 
where enriched hot gas is ejected from the disk, cools and  then  falls back 
in to  the disk in a different location, m ay have a significant effect on the 
chemical evolution of the disk. It m ay m ean th a t the disk can no longer be 
approxim ated by independent rings w ith no exchange of m atte r between 
them .
The M agellanic Clouds (sm aller galaxies w ith weaker m etallicity than  
the Milky W ay) m ay have gaseous halos (Savage and de Boer (1979),F itz­
patrick  and Savage (1983)). This is controversial since the observed ab­
sorption m ay occur in the im m ediate environs of the target stars, or in a 
warp of the disk of the LM C, and not in a gaseous halo. A galactic wind 
m ay have occurred in the M agellanic Clouds (D opita 1987). The chemical 
yield of oxygen is lower in the Clouds com pared to the Galaxy by a factor
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of two to three. Young Cloud disk stars have bo th  a low [Fe/H] and a low 
[O/Fe], whereas in the Galaxy a lower [Fe/H] is accom panied by a higher 
[O/Fe]. It could be argued th a t this is due to a difference in the slopes of 
their IM Fs, but this is not necessarily so. Oxygen could be preferentially 
lost from  the system , due to winds produced by supernovae type II.
Hot gaseous halos are a n a tu ra l consequence of the hot com ponent of 
the ISM, the existence of which was postu lated  by Cox and Sm ith (1974) 
and Mckee and O striker (1977). Hot gas in the disk has a scale height of 
5 kpc in the absence of galactic m agnetic fields, and a larger scale height 
if the buoyant effects of a m agnetic field and cosmic rays are taken into 
account.
The observed galactic halos are very diffuse, w ith an estim ated density 
of »  10-3cm -3 and a mass of «  108M@ for our galaxy for an example. This 
halo gas probably originates, as in the galactic fountain model, from  mass 
loss in the disk, which rises into the halo, and then  eventually cools and 
falls back into the disk.
U ntil recently elliptical galaxies were considered to be largely gas free. 
Models for a galactic wind, like th a t of M athews and Baker (1971) were 
developed in order to explain the apparent lack of gas. Recent X -ray ob­
servations however, (e.g. Form an et al. 1985 ) revealed the presence of 
5 x 108 — 5 x 101OM 0 of hot (T  «  107 K ) gas d istribu ted  throughout and 
beyond the optical b right parts  of ellipticals. This am ount of gas is consis­
ten t w ith the am ount of m aterial expected to be ejected from stars since 
the galaxies form ation. T he existence of these extensive hot coronae implies 
the presence of a dark m assive halo around the paren t galaxy.
We have shown th a t a m ultiphase model is required to describe the 
current s ta te  of galaxies. Does a m ultiphase model have any effect on 
the dynam ical evolution during collapse? We will a ttem p t to answ er this 
question in th is thesis.
The struc tu re  of this thesis is as follows: In chapter 2 we describe how 
a m ulti-phase system  can be set up in the early protogalaxy. In chap ter 3 
we investigate the energy budget of the system , in order to show th a t the 
phases rem ain disparate , chap ter 4 describes the in teractions betw een the 
phases, chap ter 5 describes the num erical m ethods used, and in chap ter 6 
we describe the results of num erical models of the collapse of m ultiphase
systems.
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2.1 T h e D e n s ity  S tru ctu re  o f  th e  P r o to ­
g a la x y
The grow th of instabilities in the early universe depends upon w hether the 
initial pertu rba tions are assum ed to be isotherm al (entropy) or adiabatic 
fluctuations. There is no intrinsic reason to favour one of these types of 
pertu rba tions instead of the other.
Bond et al. (1982) have shown th a t isotherm al pertu rbations m ay arise 
in the early universe provided th a t there are spatial inhomogeneities in the 
local expansion ra te  of the universe. For isotherm al fluctuations, the initial 
Jeans mass a t the decoupling epoch (redshift z ~  1300) when radiation  
pressure no longer lim its the grow th of density pertu rbations, is given by:
M j = 5 x  105 (fIh2) ' 0'5 M0 2.1.1
where Q = p/p0, h — Hq/ 100 km s~l Mpc~l .
The sm allest early objects to fragm ent from the general expansion as a 
result of isotherm al pertu rbations would have this mass, % 106M q ,about 
the mass of a globular cluster and much sm aller than  the mass of a  typi­
cal galaxy. T hus in this scenario, these small-scale system s m ust undergo 
grav ita tional hierarchical clustering to form protogalaxies and clusters of 
galaxies (Peebles 1980 ).
The characteristic mass of the first adiabatic fluctuations to collapse is 
constrained by rad iative dissipation to be 1.3 x 1012(Q/i2)_1,5M q at redshift 
z <  10. T hus the first bound system s to  condense would be gas clouds w ith 
masses appropria te  to  m assive galaxies or clusters of galaxies depending on 
the cosmological model. Zel’dovich (1970) has shown th a t the collapse of 
these ad iabatic  pertu rba tions is highly anisotropic, and th a t in the generic 
case the collapse occurs along a single axis producing a th in  sheet or pan­
cake. This pancake is unstable to fragm entation, producing fragm ents w ith 
characteristic mass 108 — 109M® (e.g. Doroshkevich 1980).
If, in spite of the above cosmological argum ents, a protogalaxy devel­
ops from a coherent and isolated gas cloud, shock heating will rapidly heat 
the cloud to  the virial tem peratu re. After a possible period of quasi-static 
collapse the com pressional energy will no longer be able to keep the  pro-
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togalactic gas hot and the gas will rapidly cool to T  «  104 K  (see below), 
m uch less th an  the virial tem peratu re. Analytical stab ility  argum ents show 
th a t in this s itua tion  the protogalactic gas will rapidly break up in to  clumps 
w ith masses of about the  Jeans mass (e.g. H unter 1962). The Jeans mass, 
which depends sensitively on the tem perature, is given for a uniform  den­
sity, isotherm al cloud by:
Mj  =  2.9 p-°-5(k T /G ^m „ ) ls
p i . 5  7 n .5
= 5 x l 0* i ® T  M s ( 2 'L2)
where M q 12 is the to ta l protogalactic mass in units of 1O12M 0J 
R gioo is the protogalactic radius in units of 100 kpc, T4 is the tem pera tu re  
in units of 104 K.
Hence, for protogalactic densities of «  10-26^cm -3 and T  «  104 K , the 
mass of the clumps is ~  lO8iV/0 .
It has been shown by TohHne (1980) th a t fragm entation due to g rav ita ­
tional instabilities is an inefficient process for clouds near the Jean ’s lim it: 
these cloudlets are unlikely to  undergo fu rther spontaneous fragm entation  
as envisioned by Hoyle (1953).
T hus it is reasonable, irrespective of the cosmological model, to  regard  
the protogalaxy as an inhomogeneous system , containing a num ber of dense 
subsystem s or cloudlets, surrounded by a diffuse intercloud m edium . The 
physical properties of this m ultiphase m edium  depend critically on the  bal­
ance betw een processes which input energy and the cooling processes in 
the gas. In the next section therefore, the cooling curve for a m etal weak 
gas is calculated. The corresponding cooling tim e is com pared w ith o ther 
timescales relevant to the early stages of galaxy form ation. In section (2.3) 
the equilibrium  of cloudlets is investigated, and it is shown th a t an early 
burst of s ta r form ation m ay ionise the intercloud m edium , causing m ore 
cloudlets to become unstable. The effects of supernovae on the intercloud 
m edium  are investigated in section (2.4), where it is shown th a t a m u lti­
phase m edium  will develop.
20
2.2 T im e Scales R e lev an t to  th e  E arly  P h ases  
o f G alaxy  F o rm atio n .
The cooling tim e for a gas w ith num ber density n, tem peratu re  T , can be 
defined by:
1.5 n k T
^cool —  7  ~A n2
where A n2 is the energy rad iation  ra te  (ergs cm -3 s _1) The 
cooling function A has been explicitly calculated using the generalised m od­
elling code for low density astrophysical plasm as, M A PPIN G S, developed 
by Luc B inette  and Mike D opita at MSSSO (B inette 1982, B inette  et al. 
1985). This code incorporates eleven elem ents up to the ir sixth ionisation 
stage. The cooling is com puted from the continuum  processes (free-free, 
bound-free and two photon) and resonance, intercom bination and forbidden 
line cooling in a to ta l of 267 lines, allowing for the tem peratu re  dependence 
of collision streng th  and collisional de-excitation effects for n e <  109 cm -3 . 
The code can either deal w ith tim e dependent or equilibrium  cooling under 
isochoric (constant density) or isobaric conditions. Collisional ionisation, 
charge exchange reactions w ith Hydrogen and Helium, photoionisation by 
direct, diffuse and line rad iation  fields betw een 8 ev and 8 Kev, Auger 
processes, secondary ionisation by fast Auger electrons, and direct and di- 
electronic recom bination processes are all taken into account in order to 
calculate the ionisation balance.
We have neglected here cooling from H 2 . There is little  evidence for the 
form ation of H 2 at such early times. The absence of grains and a significant 
am ount of heavy elem ents means th a t H 2 can only form from the rad iative 
association of the catalysts i f - , H+ and H eH +. W hen the processes of 
fragm entation and collapse have led to m uch higher densities, cooling from 
H 2 is likely to  be im portan t and m ay lead to the form ation of the first 
stellar objects (e.g. Lahav 1986).
We have com puted two particu lar cases, each for a m etal abundance 
w ith respect to  solar of 10—4, H e 10% by num ber and hydrogen num ber 
density n n  = 1 cm -3 . F irstly  we have calculated collisional ionisation 
equilibrium  cooling in the range 103,8 to  107 K . Owing to the neglect of
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the high ionisation stages of the heavy elements, the results are generally 
rather unreliable above 3 — 5 x 105 K . In this case, however, the heavy 
elements have little effect on the cooling rate at these high temperatures 
anyway, because of their low abundance. Secondly we have calculated non­
equilibrium isochoric cooling in the range 103-6 to 2 x 107 K.  The gas 
was assumed to be initially neutral, but by 8 x 106 K  it was effectively 
completely ionised. For temperatures below this temperature the ionisation 
balance is driven by the speed of the recombination processes, so the cooling 
function becomes effectively independent of the assumed initial ionisation 
conditions.
The two cases are shown in Fig (2.2.1). As the temperature decreases 
the two curves begin to differ because the ionisation time becomes longer 
than the typical cooling time. The non-equilibrium isochoric cooling case 
generally has a higher ionisation state at a given temperature. The colli- 
sional ionisation equilibrium curve shows some structure with a peak below 
~  2 x 105 K  due to the radiative recombination of Helium and a peak at 
~  3 x 104 K  due to the collisional excitation of Hydrogen. For both curves, 
a dramatic collapse in the cooling efficiency occurs below 1 — 2 x 104 K  as 
a result of the recombination of Hydrogen and also the suppression of all 
the visible line cooling processes. This causes an extreme lengthening of 
the cooling timescales, which are plotted in Fig (2.2.2). Below «  9000 K  
these become longer than a free-fall timescale in the conditions appropriate 
to a galaxy of mass 1O12M0 and radius lOOkpc (see below). Thus, even 
in the absence of an effective heating process, the temperature of the gas 
involved in the early stages of the collapse of the galaxy is unlikely to fall 
below as 9000 K.  The cooling time gradually increases again above 105 K , 
because the thermal energy 3 /2kT  then depends upon a higher power of 
temperature than the radiation rate. For T  «  104 K  the gas in the time de­
pendent model cools more rapidly than it recombines, so that at a common 
temperature the time dependent model predicts a higher degree of ionisa­
tion and a larger cooling function compared to the equilibrium case. Hy­
drogen and Helium obviously dominate the cooling function for T  % 104 K , 
for the low metallicity considered here. For T  «  104 K  however, the met al­
ii city has a small effect, increasing slope of the cooling function. Hence 
dilute star light, ionising elements with ionisation potentials less than that
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of Hydrogen m ay be im portan t in this tem peratu re  range.
The above discussion of the cooling ra te  A is only valid for low redshifts. 
For high redshifts, 2  > ~  10, C om pton scattering of the therm al microwave 
background radiation  is the  dom inant cooling m echanism  (e.g. Rees and 
O striker 1977).
The initial radius of a protogalaxy m ust be at least as large as the 
presently  observed radius of a typical galaxy. O bservations of the outer 
halo of our galaxy show th a t it extends to lOOkpc (C arney 1984). We shall 
use as fiducial values a radius of lOOkpc and a mass of 1012M@. This mass 
includes any preexisting dark m atte r which we will assume in teracts only 
g ravitationally  w ith lum inous m atte r. The ra te  th a t compressional energy 
is released during a spherically sym m etric isotherm al collapse is given by: 
(e.g. Larson 1969)
r*  =  nfcT\/(167r (2.2.2)
This ra te  is increased by a factor 3 /2 ) for a free fall collapse. Com parison 
w ith the equilibrium  cooling rates shown in Figure (2.2.1) shows th a t A =  
r c for T  ~  8000 K . T hus the collapse can be considered to  be isotherm al.
The density d istribu tion  in an isotherm al cloud and in the early stages 
of an isotherm al collapse can be represented by the following self-similar 
solution:
p(r ) =  Po  (2.2.3)
(Larson (1969),Penston (1969)) 
w ith the velocity d istribution:
v =  3c =  constant
where c is the isotherm al sound speed.
This is the density d istribu tion  we shall adopt for bo th  the cloudlets 
and the  protogalaxy.
The m inim um  collapse tim e for a protogalaxy is given by the free-fall 
time:
*// «  4 x 108/ -^GlOOM g u yrs. (2.2.4)
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Shock heating during the very early stages of the collapse of a protogalaxy 
m ay heat the gas to the virial tem perature:
Tmr = 1.3 x 106^ 2 1 1  (K ). (2.2.5)
r f d O O
The cooling tim e for such a gas, calculated from figure (2.2.2), is compa­
rable to the free-fall tim e for a massive galaxy. Thus, as shown by Rees and 
O striker (1977) m assive protogalaxies >  1012 M q can go through a period 
of quasi-static collapse, before the contractional energy released is unable 
to keep the gas hot, the gas cools to «  104 K , the in ternal pressure can 
no longer support the gas cloud and the collapse proceeds on a free-fall 
tim escale. The gas is then  of course Jean ’s unstable, as described in sec­
tion (2.1), so it becomes inhomogeneous. It can be seen from equation 
(2.3.4) below, th a t the protogalaxy has to have a radius «  103kpc before 
the  tim escale for quasi-static contraction becomes com parable to  the Hub­
ble tim e. It is possible th a t therm al instabilities in the hot protogalactic 
cloud undergoing the initial quasi-static collapse m ay lead to a two phase 
system : cloudlets w ith tem peratu re  «  104 K  surrounded by a hot in te r­
cloud m edium  consisting of gas which has not cooled, w ith tem peratures 
~  106 K , as described by Fall and Rees (1986). We shall show however in 
the  next two sections th a t supernovae create a hot intercloud m edium  even 
if initially all the gas cools to «  104 K .
The above timescales m ust be com pared to the free-fall tim e for a 
cloudlet:.
T jjd  =  1.4 x (2.2.6)
where M cie is the cloudlet mass in units of 106M® and R ci.i 
is the  cloudlet radius in units of 0.1 kpc.
If we assume th a t the m ost massive s tar to form has a mass of IOOM q , 
and hence a lifetim e of «  5 x 106 yrs, it easily seen th a t a cloudlet can 
collapse and form  at least one generation of stars; the most massive of 
which can die long before the  protogalaxy can complete its collapse. We 
shall investigate below the effects this will have on galaxy form ation.
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2.3 The Initial Phase of Star Form ation
We have shown th a t the protogalaxy is likely to  be inhomogeneous. It is as­
sum ed in this section th a t a protogalaxy consists of a num ber of cloudlets, 
possibly organised into tidally  d istinct subsystem s, in which s ta r form a­
tion eventually occurs, surrounded by a diffuse intercloud which is initially 
neutral.
The cloudlets will contract until equilibrium  is reached, at which stage 
Boyle’s law, modified to include gravity term s, gives:
pickTic M ci f  3kTci 
47TR*, \ p cim H




where the subscripts IC refer to the intercloud m edium  and
subscripts cl refer to the cloudlets and we have assum ed th a t the cloudlets 
have a r -2 density d istribution. In the absence of any external pressure
this gives:
0.17 fi d M cie
R c l . l  =  -----------------
-^ c/4
where Tcu is the  cloudlet tem peratu re  in units of 104 K .
It can be shown th a t the cloudlets can contract quasi-statically, the 
g ravita tional energy released due to the compression can be rad ia ted  away, 
provided th a t they have long cooling times, in the absence of o ther en­
ergy sources. This actually  can be used to determ ine a m inim um  mass 
for a cloudlet of a given tem peratu re. Cloudlets w ith greater masses have 
tim escales for quasi-static collapse less th an  the pro togalaxy’s free fall time. 
Consider a cloudlet undergoing quasi-static collapse, rem aining in virial 
equilibrium  and slowly heating up. To rem ain in virial equilibrium , half 
of the g rav ita tional energy released m ust be rad ia ted  away, the o ther half 
goes in to  therm al energy. Hence:
G M l
m
R ci = A (2.3.3)
where Vci is the volume of the cloudlet. 
The tim escale for quasi-static contraction is then:
^  =  ^  =  1 . 2 x l 0 8(^e' f cu)2 yrs 
R m  A 2 9
(2.3.4)
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where A29, the radiation ra te  in units of 10~29ergs cm 3 s “ 1, 
can be obtained  from figure (2.2.1) for a given cloud tem perature.
T hus the survival of cloudlets in the absence of energy sources such as 
in ternal s ta r form ation, is favoured by low radiation  rates and large radii.
As shown by M cCrea (1957), in the absence of m agnetic support, there 
is a m axim um  pressure above which no equilibrium  is possible. This is 
given by:





( ^ L 3.5 x 10sa \ f  ßlC -^GlOO V I  ~  fv (2.3.5)
where Tjca is the  tem peratu re  of the intercloud m edium  in 
units of 104 AT, a =  R g/ R c  is the dimensionless radius of the protogalaxy, 
f v and f m are the volume and mass filling factor of the cloudlets.
A nother lim it on the size of a cloudlet m ay be caused by tidal effects. 
The tida l radius R j  is given by:
„ „ / M ci y / 3
2.3.6
where R g is the galactic radius of the cloudlet, Mg(Rg) is the 
mass of the galaxy inside this radius and a  =  2 for infalling cloudlets, and 
a  =  3 for cloudlets in circular motion. Hence for a r -2 density d istribution  
of the protogalaxy:
a 2/3
R t - '  ~  10^I73
or from  equation (2.3.2):
(2.3.7)
(.M d )max a  4.5 x 108- ^ 4 = ( - M q . (2.3.8)
V ,maz )  0  K ’
Cloudlets w ith initial masses greater th an  this have equilibrium  radii greater
th an  the ir tidal radii, so presum ably the excess m aterial is stripped  off. This
however takes about a galactic free-fall tim e (equation 2.2.4).
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The mass lim its calculated from equation (2.3.S) tend  to be sm aller 
th an  those calculated from equation (2.3.5), although they are of the same 
order of m agnitude. Hence tidal effects will govern the long term  survival 
of cloudlets.
Cloudlets w ith masses greater th an  th a t given by equation (2.3.5) can­
not reach equilibrium  and m ust collapse in approxim ately a free-fall tim e, 
which as we can see from equation (2.2.6), is small com pared to galactic 
timescales.
The m axim um  mass calculated from equation (2.3.5) should be regarded 
as a lower lim it, because tu rbu len t and m agnetic pressures, which have been 
neglected here, tend  to stabilize the cloud. The fact th a t (M ci)max rapidly 
decreases as one moves in tow ards the centre of the protogalaxy ensures th a t 
the  collapse of clouds and the ensuing s ta r form ation tends to take place in 
the central regions of a protogalaxy. This s tar form ation will rapidly ionise 
the intercloud medium. In general the cloudlets will not be ionised due to 
their greater density.
Let n m be the num ber density of ionising stars w ith average area A*, 
contained w ith in  a spherical shell of radius Rg and volume V .
The area dilution factor, fdi , is then  given by:
fdl ^ r d V  Att R?g
n*A* dRg. (2.3.9)
The thickness t of the Strom gren layer associated w ith these stars is given 
by:
t = Qfdi ( v i cmHy (2.3.10)
P2HocH{Teq)A m
where Q photons/sec is the average ra te  of emission of the 
ionising photons from  a s tar, and a n {T eq) cm 3 s -1 is the recom bination 
coefficient a t equilibrium  tem peratu re  Teq.




D opita and  Evans (1986) have shown th a t the average tem peratu re  of ex­
citing stars in HII regions is 42000 K.  For these tem peratures Q «  1049-3 
and an  ~  10~13. T hus the num ber of ionising stars required to ionise a 
uniform  density intercloud m edium  is:
M 2
N.  S3 5 x 104 ..  (2.3.11)
H c r gioo
where M /c i2 is the mass of the intercloud m edium  in un its of
1012M® .
Hence even if the intercloud m edium  contains most of the mass of the 
protogalaxv, it requires, by virtue of its low density, only 5 x 104 m assive 
stars to  ionise it. If a norm al Salpeter IM F is used, w ith mass cutoffs 0.1 M q 
and 100M®, and if it is assum ed th a t only massive stars >  10M® ionise the 
m edium , then  a to ta l num ber of order 107 stars is required to ionise the 
whole of the protogalaxy.
The so-called blue com pact galaxies or G iant Extragalactic  HII regions 
m ay the result of a sim ilar process. These galaxies were first observed 
spectroscopically by Sargent and Searle (1970) who showed th a t an intense 
burst of s ta r form ation was taking place. L ater studies (e.g. Lequeux et 
al. 1979) have shown th a t these galaxies axe also m etal deficient, and  have 
masses of the order of 109M®. It is not yet clear w hether these galaxies are 
young, experiencing their first burst of s ta r form ation, or old and  experi­
encing a recent intensive bu rst of s ta r form ation. There is some evidence 
however, (G ondhalekar et al. 1984 ) th a t some of these galaxies are gen­
uinely young objects. T heir lack of organised in ternal struc tu re , the ir large 
gas mass fraction, and  the central emission region, indicate th a t the burst 
of s ta r form ation m ay be caused by a process sim ilar to the above, where a 
gas cloud m oving tow ards the  center of the galaxy becomes unstable, and 
collapses in a  burst of s ta r form ation. The archetype blue com pact galaxy 
I Zw 18 has a clum py and irregular 21-cm structure: there is a central 
concentration of H I of a few 107M® surrounded by sm aller clumps.
Figure (2.3.1) shows the equilibrium  tem peratu re  of the intercloud m edium  
as a function of m etallicity, calculated for a range of dilution factors and 
density tih — 1 cm -3 , w ith a  stellar atm osphere source of 42000 K  w ith  
the same m etallicity  as the gas. The heating ra te  is proportional to  nnfdi
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whilst the cooling ra te  oc n2H, so the effective dilution factor is fdi/riH- For 
Z/Z® < 10~2 the equilibrium  tem peratu re  is almost independent of the 
m etallicity  because Hydrogen cooling dom inates. The intercloud m edium  
has undergone very little  nucleosynthesis and hence is very m etal weak. 
The corresponding equilibrium  tem peratu re  is then  ~  104'3 K , som ew hat 
h o tte r th an  before ionisation takes place, and it is almost independent of 
the dilution factor.
It is easily shown th a t the tim e taken for the intercloud m edium  to be­
come ionised is m uch less th an  the free-fall tim e of the protogalaxy. T he ion­
isation of the in tercloud m edium  will increase the pressure on the cloudlets, 
forcing cloudlets on the brink of instab ility  over the edge. Thus a num ber 
of clouds will collapse and a burst of s tar form ation will occur. We shall 
investigate in the next section the effects such a burst will have on the 
system .
2 .4  T h e  D ev e lo p m en t o f  a C oronal M ed iu m
Let us suppose th a t the protogalaxy consists of a num ber of cloudlets su r­
rounded by ionised gas of tem peratu re  ä  104 K. Once s ta r form ation occurs 
in the cloudlets, the most m assive stars soon explode as supernovae. In this 
section we investigate w hat effect this will have on the intercloud m edium .
Most supernovae which escape into the intercloud m edium  m ust have 
originated near the boundary  of their parent cloudlet. T hus it is a rea­
sonable first approxim ation to assume th a t all their evolution takes place 
in the intercloud medium. D opita and Sm ith (1986) have shown th a t low 
m etallicity clouds, less massive th an  105M®, are completely d isrupted  by 
supernovae in their ad iabatic  stage whilst masses greater th an  1 0 'M® are 
required to contain their ejecta.
Cox and Anderson (1982) have investigated the evolution of a supernova 
shockwave m oving in a uniform  m edium  where the am bient pressure P i c , 
is significant. They show th a t it is a reasonable approxim ation to neglect 
pressure effects provided th a t the shock radius S  at the end of the ad iabatic  





where E is the explosion energy.
(2.4.1)
Sc = 0.5a2/3- El(3RGl00 kpc
(1
where Esi is the energy of the supernova explosion in units
of 1051 ergs.
Dopita and Smith (1986) and Smith (1986) have investigated the evolu­
tion of a supernova blast wave in a r -2 density distribution, neglecting the 
ambient pressure. For a 7 = 5/3 ambient gas, the radius of the supernova 
bubble during the adiabatic phase is given by:
S \  «  2.9 x (2.4.2)
-1 1 -  / m T, Mon
where Ta is the shock tem peratu re  and we have assum ed th a t 
S << Rq so th a t the bubble is approxim ately spherical.
The shock velocity is given by:
/ 16fcT,y / 2
\3 prriH J
as 2.7 x Iff1 \Jt ,. cm/s (2.4.3)
The age of the remnant is then given by:
o
t3 «  1.5 x 108— yr. (2.4.4)
v - F j
The end of the adiabatic phase is reached when radiative cooling becomes 
important. The cooling time for a parcel of shocked gas is given by:
_  1.5 kTs(ne + nH) 
co°l ~  4nenHA(T3)
We define the end of the adiabatic phase as occurring at a time tad when 
tad — tcQoi. For the early stages of the protogalaxy’s evolution, when the 
metallicity of the intercloud medium is very low, the equilibrium cooling 
time from figure (2.2.2) can be used in conjunction with the above equa­
tions, to determine the shock parameters at the end of the adiabatic phase.
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E stim ates of the shock param eters: v3(t(1d), t ad, S ( t ad), and Ts(tad) as well 
as the mass swept up by the shock, M { t ad), are all shown in table (2.4.1), 
for various representative values of / m, for a supernova event of effective 
energy E^i =  1 occurring at the protogalaxy’s half-mass radius in an in­
tercloud m edium  w ith tem peratu re  104-3. The shock tem perature, T3( taj) , 
is lower th an  w hat one would norm ally expect, due to the low densities. 
The program  M appings was also used to determ ine the cooling tim e, and 
hence the shock param eters a t the end of the adiabatic phase, for the high 
m etallicity  case Z / Z q =  1 which is more applicable la ter on in the  evo­
lution of the protogalaxy when the intercloud m edium  has become m etal 
enriched. It can be seen th a t the m etallicity has little  effect on the qua lita ­
tive results. The shock radius S ( t ad) is always less th an  Sc ,  so th a t pressure 
effects can be neglected, and Ts(tad) is always in the range where M appings 
gives reliable results.
W hen cooling becomes im portan t a cool dense shell forms and the shock 
then  enters the ’pressure modified snowplow ’ phase. The radius and ve­
locity of the shell are given by:
The shock will be stalled when its velocity reaches the sound velocity c/c* 
Estim ates of the value of the radius, S(tsN)  which this occurs are shown 
in table (2.4.1), for various values of f m, for a supernova event occurring 
at the pro togalaxy’s half-mass radius, in an intercloud m edium  of tem per­
atu re  1043K. To ob tain  these estim ates equations (2.4.6) were modified to 
include an in tegration  factor, to re ta in  continuity of the velocity betw een 
the ad iabatic  and the pressure-m odified snowplow phases.
Heat m ay be lost from the in terior onto the cold dense shell. It is easily 
shown th a t the tim e required to  conduct a substan tia l fraction of the in te r­
nal energy of the in terior hot gas to  the shock front is given approxim ately
i / 2  t _ t  - ,2/7
--------- ------h 1SAtad)2'5 J
v ~  6.6 x 107 - ■7 . 5 .1( t .d ) 5 i2'5. cm /s
V t  Jm
(2.4.6)
by:
where T5 is the tem peratu re  ju st inside the dense shell
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in un its  of 105K, assum ing norm al u nsatu ra ted  conductivity. T hus conduc­
tiv ity  is unlikely to  be im portan t.
The dense shell is eventually swept up by passing cloudlets. The hot gas 
in the in terior will expand and cool adiabatically until it reaches pressure 
equilibrium  w ith the surrounding gas.
The im portance of supernovae can be estim ated from  the ’porosity ’ 
param eter defined by Cox and Sm ith (1974):
q — a Vsnr  t s N R  (2.4.8)
where a is the average supernova ra te  per unit volume, Vsnr  
is the average final volume of a rem nant and t s N R  its lifetime.
For non-overlapping rem nants /  =  1 — e~q(q < <  1) is the filling fac­
to r of the resu ltan t cavities and hence the probability  th a t a given super­
nova will occur w ithin a cavity, created by a previous supernova. The life­
tim e of a rem nant, t s N R , can be approxim ated by the expansion tim escale 
S (f s y ) / c /c • the tim e required for the intercloud m edium  to expand to  fill 
the cavity. To ensure th a t overlap occurs and subsequent supernovae ex­
plode w ith in  cavities, we require q =  1. The resu ltan t critical supernova 
e
ra te  is estim atd  in table (2.4.1) for a supernova event occurring at the  pro- 
Iv.
togalaxy’s half-mass radius. The to ta l num ber of supernovae occurring per 
year if this ra te  is m aintained throughout the protogalaxy is also shown 
N s n )• These tend  to be overestim ates because even if q is less th a n  one, 
the filling factor /  m ay still be quite high, and hence supernovae are still 
likely to  occur w ithin a cavity. It is seen th a t in most cases, especially for 
a high cloudlet mass filling factor, the critical supernova ra te  is very low, 
and hence it is very likely th a t supernovae will explode in a cavity. If the 
supernova ra te  is too high, it is likely th a t the supernova shocks will overlap 
whilst still in the  adiabatic  stage, before significant cooling occurs, and  a 
galactic wind m ay result. It can be seen from table (2.4.1) th a t the shock 
velocity at the end of the ad iabatic  stage, v3(tad), is generally less th an  the 
escape speed ( «  3 x 107cm s _1). For supernova rates w ithin this range the 
in tercloud m edium  will have a sim ilar s truc tu re  to th a t envisaged by Cox 
and Sm ith (1974) for the current in terste llar medium. W ith in  the cavities 
there exists hot gas, heated  during the early high velocity expansion of the 
rem nant. Supernovae occurring in this hot phase and the overlapping of
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shockwaves will form a ’s tringy’ m edium  of dense m aterial, surrounded by 
hot gas.
The m ean tem peratu re  inside the rem nant is given by:
_  2nmHEth 
m ~  3kM
where M  is the to ta l mass of the rem nant at the end of the adiabatic phase, 
and E th ~  0.71 x lO51^ !  is the therm al energy of the hot cavity. In the 
absence of conductivity, there will be significant am ounts of m aterial at 
higher tem peratures. Estim ates for this m ean tem peratu re  are given in 
Table (2.4.1). It can be shown th a t a significant p roportion  of th is hot 
m aterial is still hot at the end of the pressure-m odified snowplow phase. 
Thus, even in the absence of reheating from subsequent supernovae and 
from  the products of stellar mass-loss, the hot phase will last for a long 
time.
If a num ber of supernovae explode essentially sim ultaneously w ithin 
a cloudlet in a single ’superexplosion’, and escape from the cloudlet,, the 
effective energy will be >  1051 ergs. It m ay be appropriate  to model this as 
a single explosion. As an example we have repeated  the above calculations 
w ith  E 51 =  100 (see tab le  2.4.2). It can be seen th a t the shock param eters 
are not strong functions of E$i.
More realistic models should include the effects of cloud m otion, the 
possibility th a t the shock m ay sweep up a significant am ount of cloudlet 
m aterial, and th a t even in a single burst of s ta r form ation SNII occur over 
a period of as 3 x 107yrs due to the finite lifetimes of their progenitors (see 
Figure 3.3.3).
2.5 C onclusion
We have exam ined conditions in the early protogalaxy and argued th a t 
it m ust have been quite inhomogeneous, consisting of dense cloudlets sur­
rounded by ionised intercloud gas. We have shown th a t early s ta r form ation 
and the subsequent supernovae m ust create, for a wide range of initial con­
ditions, a m ultiphase m edium . This m edium  consists of: 
a)cloudlets in which s ta r form ation takes place,
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b ) chemically enriched supernova shells which m ay eventually pollute the 
cloudlets, and
c) hot diffuse gas; the products of supernovae and mass-loss from massive 
stars.
The effects this m edium  has upon the dynam ic and chemical evolution 
of the protogalaxy will be investigated in subsequent chapters.
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Table (2.4.1) Radius, tem perature, tim e, velocity and the mass swept up 
by the shock, a t the end of the adiabatic phase of supernova evolution are 
shown as functions of the cloud filling factor and the intercloud m etallicity. 
Also shown are the final radius and tim e, the critical supernova ra te  above 
which a m ultiphase intercloud m edium  is formed, the required num ber of 
supernovae per year for the whole protogalaxy for this to happen, and  the 
m ean tem pera tu re  w ithin the cavity at the end of the adiabatic  phase. All 
values are given at the half-mass galactic radius and an intercloud tem ­
pera tu re  of Tic =  104,3K has been assumed; for a spherical galaxy of mass 
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Table 2.4.2
Shock param eters sim ilar to those shown in table 2.4.1, bu t calculated 
for a superexplosion, E $i =  100. N s n  is the num ber of superexplosions 
required per year to keep the porosity q= 1 at the half-mass radius of the 
protogalaxy.
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The radiation rate A is shown both for the isochoric non-equilibrium 
cooling (solid line) and collisional ionisation equilibrium cases, for a gas 
with He 10% by number, density t i h  —  1 cm-3 and the negligible metallicity 





















Cooling tim es calculated from equation (2.2.1) using the energy rates 
shown in figure (2.2.1), are shown as a function of gas tem peratu re. The 
solid line represents the non-equilibrium  isochoric cooling rate , whilst the 
do tted  line represents the collisional ionisation equilibrium  calculation.














The equilibrium temperature of the intercloud medium is shown as a 
function of metallicity for a range of dilution factors with a stellar at­
mosphere source of 42000 K  and the same metallicity. The dotted line 
corresponds to fdi =  10“15, the solid line to fdi = 10“17 and the dashed line 
to fdi = 10-18.









In the previous chap ter it was shown how, early in the collapse of a proto- 
galaxy, it would be possible to generate a m ultiphase in terste llar medium. 
T he s ta r form ation which occurs in dense clouds will fu rther modify this 
m edium  and give rise to a halo stellar com ponent of the protogalaxy. In 
this chapter, the mass and energy evolution of an initially gaseous system, 
undergoing a single burst of s ta r form ation, is investigated using simple 
analytical approxim ations. Such a m odel m ay be applicable to the form a­
tion of globular clusters. The evolution of systems w ith more complicated 
s ta r form ation rates can be determ ined, if such system s axe thought of as a 
superposition  of single generations of stars, formed at different times w ith 
the appropria te  weight given to each. It is assum ed th a t no secondary star 
form ation takes place, any rem aining gas which does not form stars is lost 
from  the  system . Sm ith and D opita (1985) have shown th a t it requires a 
cloudlet mass of >  107M® for any reten tion  of gas to  occur when supernovae 
explode.
This model of a single cloudlet is then  used to determ ine the evolution 
of a protogalaxy, consisting of a large num ber of these cloudlets, for a very 
simple one-zone model where a num ber of cloudlets undergo a burst of star 
form ation at the same time.
3.2 M ass and Lum inosity E volution
M acdonald and Bailey (1981) have studied the mass evolution of a gaseous 
system  undergoing a burst of s tar form ation, assuming a Salpeter IM F. The 
analysis below basically follows theirs, although different norm alisations 
and different values for some param eters are used. The lum inosity of the 
system , produced by m ain sequence dwarfs, is also estim ated.
The s ta r form ation ra te  for a single burst of s tar form ation at tim e t — 0 
is given by:
$ (* )  =  M0S(t)  (3.2.1)
where M0 is the initial mass of the system.
For a power law IM F :
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4? (m ) =  K m  0+^) mu  <  m < mu
=  0 otherwise (3.2.2)
where K  is determ ined by the norm alisation:
rmu
I (m ) m dm =  1.
J m L
The lower mass lim it mu  was chosen to  be 0.1 M© (c.f. Sm ith et al. 1978 
for estim ates of m£, for the Galaxy). Any stars w ith masses below 0.1 M© 
would contribu te  very little  light ( «  0.08 M© is the lower lim it for nuclear 
burning), hence Mo in equation (3.2.1) can be considered to be the to ta l 
lum inous mass. The upper lim it, m u , was taken to be 100 M©. The fol­
lowing results are insensitive to the choice of m u  , due to the steepness of 
the IM F. For sim plicity a Salpeter IM F (ß  =  1.35) was used in the follow­
ing analysis. If a Miller-Scalo IM F is used massive stars and their effects 
become less im p o rtan t (by a factor 2 in most cases).
For most stars it is a reasonable approxim ation to  assume th a t mass 
loss occurs instantaneously  after a m ain sequence lifetime t m (yrs). Massive 
stars, however, have a mass loss timescale com parable to  tm so the above 
approxim ation fails. The relative num ber of massive stars is of course small 
so the ir contribution  to the mass loss of the system  is also small and  the 
above approxim ation tu rns out to be not too bad. The approxim ation 
is obviously also invalid for long-lived dwarfs which are still on the m ain 
sequence. Mass loss rates for such stars are unknown, apart from the sun 
w ith m  =  2 x 10-14 M® /y r . If we assume th a t all stars w ith lifetimes 
>  1010 yr have a solar mass loss ra te , then  the ex tra  fractional mass lost 
A m /M o is only 7.5 x 10-4 for ß  =  1.35, m u  =  100, mu  =  0.1. Hence 
steady mass loss from long-lived dwarfs is very unlikely to drastically alter 
the mass evolution of the system.
The mass lost by each s ta r a t tim e tm is given by: (Tinsley 1976)
A (m ) =  0.84m — 0.44 1 <  m < 6 
=  m — 1.4 6 >  m
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and
log tm = 10.02 — 3.57 log m  +  0.9 (log m )2 (3.2.3)
Laxson (1974).
If M is the mass of the whole system , then: 
d M  rmu
—  = q ? ( i ) - J  A (m ) $  (m ) #  (t -  tacutem) dm  (3.2.4)
where m t is the tu rn  off mass a t tim e t.
We have assum ed here th a t all gas is removed from the system . This 
equation can be in tegrated  using equations (3.2.1) to (3.2.3), to find the 
mass fraction for a given ß, mu,  m l (see figure 3.2.1 ). This specific mass 
evolution can be approxim ated by: (c.f. Gisler 1976)
=  1 t <  106 yr
= 1.67r0-037 t > 106yr (3.2.5)
where t is the tim e in years and 106 yrs is roughly the lifetime of the most 
massive stars. It can be seen th a t a system  m ay lose up to 30% of its initial 
mass in a lifetime of 1010 yrs, for a Salpeter IMF. This is very sensitive to 
the value of ß. For a fla tte r IM F the mass loss would be m uch greater.
Suppose th a t the m ass-lum inosity relationship is given by:
Ld =  m 3'45 ( T q ) m i  < m  <  26.4 Allen (1973)
=  115m2 (L©) 26.4 <  m < mu- (seebelow) (3.2.6)
The to ta l specific lum inosity contribution  from dwarfs is then:
—  y - -  =  f  Ld(m) $ ( m )  dm.  (3.2.7)M0 JmL
This is shown in figure (3.2.2) for ß = 1.35, m u  =  100, m i  — 0.1.
At early tim es the lum inosity is dom inated by massive stars. This causes 
a rap id  decrease in the lum inosity when these stars leave the m ain sequence.
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At la te r tim es the lum inosity is slowly decreasing as fewer and fewer stars 
rem ain on the m ain sequence. This is only the lum inosity contribution 
from  dwarfs. The contribution to the lum inosity from giants is of the same 
order, whilst the contribution giants m ake to the mass can be neglected 
(Tinsley 1980). The mass to  light ra tio  for the above param eters is given 
by M /L d  ~  8.5 a t t = lO10 yrs.
3.3  A va ilab le  K in e tic  E nergy.
The speeds of supernova shockwaves and stellar winds from  massive stars 
are m uch greater th an  the escape speed of typical cloudlets, so th a t the 
m echanical energy from these sources is likely to be lost from  the cloudlets 
and m ay provide an im p o rtan t contribution to the energy balance of the 
in tercloud medium. For th is reason, in this section the m echanical energy 
ou tpu t from  a cloudlet undergoing a sudden burst of s ta r form ation is 
investigated.
3.3.1 Stellar W inds from O -type Stars
It has been found th a t O -type stars have stellar winds powerful enough to 
remove a significant fraction of their mass in their m ain sequence lifetime. 
A lthough this mass is small com pared to the mass of the whole system, 
because there axe few m assive stars for a conventional IM F, it m ay provide 
a significant contribution  to the energy ou tpu t of the system , especially at 
early times.
Let the mass loss ra te  of a s ta r bom  at tim e t' w ith initial mass ttlq be 
given by:
(* -* '>  =  -  (3.3.1)
at
For steady mass loss a (ra ,£  — t’) =  ßmm o /tm, where ßm is the fraction of 
stellar mass lost in a m ain sequence lifetime t m•
The observed mass loss ra te  depends m ainly on the stellar luminosity. 
From  radio observations A bbott et al. (1981) find the relationship:
a =  3.9 x 10- 15! 1*56 M q / yr (3.3.2)
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where T = lum inosity  in solar units.
One should, of course, use this mass loss ra te  to produce theoretical 
evolutionary tracks and hence determ ine a as a function of mass and tim e. 
However, due to the uncertain ties involved, it is sufficient to assume steady 
mass loss and use a m ass-lum inosity relationship together w ith equations 
(3.3.1) and (3.3.2) to determ ine ßm . This is a  reasonable approxim ation 
because the lum inosity is nearly constant for stars undergoing mass loss of 
the m agnitude considered here.
In the  region where mass loss is im portan t, one can approxim ate the 
m ass-lum inosity (ZAMS) law for the chemical com position (X =0.7 ,Z =0.02) 
by:
L  =  115M 2-0 (Lq ). (3.3.3)
For the mass loss ra tes considered here the m ain sequence lifetime is given 
by:
=  56.81 M(3.3.4) 
Packet et al. (1980)
The fraction of stellar mass, ßm, lost in a m ain sequence lifetime, calcu­
lated  from  equations (3.3.1) to  (3.3.4) is shown in figure (3.3.1). It agrees 
reasonably well w ith o ther estim ates obtained using semi-em pirical mass 
loss ra tes and evolutionary tracks (e.g. Chiosi et al. 1978). The to ta l mass 
loss ra te  of the system  due to stellar winds from O -type stars is given by:
—— =  — f  dm j  $  (m ) 4/ (t ') a (m , t — t') dt' 
dt J ml3w Jo
where misw—lower mass lim it of appreciable mass loss =  
15M@. A bbott (1982b) This can be in tegrated  to obtain  the specific mass 
lost A M (t) /M o .  See figure (3.3.2).
Since the term inal velocity t?«*, for O -type stars is not a strong function 
of stellar param eters, a m ean velocity of 2000km /s was adopted in order to  
calculate the to ta l specific kinetic energy lost from the system  up to  tim e 
t : 0.5 A M ( t ) /M o  V^ .  See figure (3.3.3), table (3.3.1).
We have considered above only contributions from m ain sequence stars. 
There is some evidence (W ilson 1983) th a t supergiants have slightly higher
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m ass loss rates th an  O -type MS stars. Due to their shorter lifetimes how­
ever, their contribution  to the system ’s mass and energy evolution can be 
neglected.
3.3.2 Stellar W inds from W R  Stars
The observed mass loss ra tes from W R  stars are an order of m agnitude 
higher th an  those for O -type stars. The average mass loss ra te  is:
rh =  2.8 x 10 5 M q / yr. (3.3.5)
Bieging et al. (1982)
No correlation has been found betw een mass loss ra te  and any intrinsic 
p roperty  of W R  stars, so every W R  s ta r is assum ed to have the above mass 
loss rate .
The lifetimes of W R  stars are ra th e r uncertain. The most popular 
m odel for the form ation of W R  stars is th a t they are descendants of OB 
stars; and th a t they are He burning objects w ith a lifetime 10% of the  MS 
lifetime. It is assum ed here th a t all W R  stars have a lifetime t y / R  =  4 x  105 
yrs (c.f. M aeder and Lequeux 1982). The mass of W R  progenitors are 
also uncertain . C onti et al. (1983) estim ate, from studying the spatial 
d istribu tion  of OB and W R  stars, th a t the lower mass lim it (ZAMS) for 
the form ation of W R  stars is M lwr  ~  40M q . It is likely th a t some stars 
w ith ZAMS masses considerably less th an  this may go th rough a W R  phase, 
due to  enhanced mass loss in binaries, bu t this is neglected here. If all stars 
w ith ZAMS masses M lwr  < rn < mu  go through a W R  phase im m ediately 




m  (m ) dm
'm t
0 otherwise
m iw R  <  m t <  m u (3.3.6)
where m t' is the tu rn  off mass a t tim e t — twR- 
This equation can easily be in tegrated  to obtain  (A M (t ) /M o )w R • If a, 
typical stellar wind velocity of 2500km /s is adopted, the energy lost by stel­
lar winds from  W R  stars can be estim ated. See figure (3.3.3), table (3.3.1). 
This energy is very sim ilar to th a t from O -type stars. This agrees very well
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w ith A bbott (1982b) who estim ates th a t in the solax neighbourhood W R  
stars con tribu te  56% of the to ta l wind power.
3 .3 .3  S u p ern o v a e , T y p e  1
The origin of SN1 is still ra th e r controversial.There axe two m ain theories 
which we will investigate:
1)SN1 progenitors are single stars of in term ediate mass. The m ain ob­
servational support for this theory is the correlation betw een recent s ta r 
form ation and the num ber of SN1 per unit luminosity, which implies a 
relatively short lived SN1 progenitor (Oem ler and Tinsley 1979). T he oc­
currence of SN1 in ellipticals implies either a different m echanism  or on­
going s ta r form ation. The small num ber density of SN1 requires e ither a 
small m ass range or th a t only a small fraction of precursors actually  form 
SN1. Miller and Chevalier (1983) estim ate th a t 3.5 < m  < 5M® is the 
required mass range if all stars in this range are to form SN1. An energy of 
£o =  5 x 1050 ergs (Chevalier 1977) was adopted for each SN1. The to ta l 
specific energy is then  given by:
E  f 50
—— =  / E o $ ( m ) d m  (3.3.7)
Ado Jmt
=  0 otherwise.
This is shown in figure (3.3.3).
2) The m ore popular theory is th a t SN1 progenitors are binaries, in 
which mass transfer onto  a white dw arf by a giant com panion triggers a 
SN1 explosion (W heelan and Iben 1973). There are several m ethods used 
to determ ine the frequency of SN1 ou tbursts  for binary  models. These 
m ethods are ra th e r ad-hoc, due to uncertain ty  in the d istribution  of binaries 
over the  prim ordial ra tio  of com ponent masses, and our lack of knowledge 
of the details of b inary  evolution. The m ethod developed by Greggio and 
Renzini (1983) is used here. Short period binaries have preferentially bo th  
stars of com parable mass (A bt and Levy 1976). It is assum ed th a t the 
b inary d istribution  function is:
/ ( /z )  =  2'7+1 (1 +  7 ) ^  0 <  ^  <  0.5 (3.3.8)
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where fi =  M 2 / M q , M 2=m ass of secondary 
M ß= m ass of b inary—Mi +  M 2
7 is a param eter determ ining how peaked / ( / i )  is at /i =
.5.
E stim ates of the mass range of the prim ary m ay be obtained by con­
sidering the m odel more closely. There are two m ain models for producing 
SN1 from  binary  systems: either a CO w hite dw arf or an He w hite dwarf 
accretes m a tte r from  its red giant com panion until the C handrasekhar mass 
lim it is exceeded. There are o ther variants, for example a double CO sys­
tem , bu t they are not considered here. The mass lim its are then  given
T hen  M b ,min < M  < M b ,max where M b ,min, M b ,max can be determ ined 
from the above, for an He model, and for a CO model M b ,min is trea ted  
as a param eter. The b irth ra te  of binary  precursors is assum ed to be given 
by A x£ ( t ) 4>(m) where M b ,min <  m <  M b ,max- This is based on the idea 
th a t SN1 precursors m ust be close binaries, and th a t the b irth ra te  of these 
close binaries of mass M b is proportional to the b irth ra te  of single stars 
of mass M ß. The param eter A  is assum ed to be independent of tim e and 
mass. Greggio and Renzini (1983) estim ate th a t A  «  0.3 for a CO model, 
by requiring th a t spirals have equal SN l and SNII rates a t some typical 
galactic age (T am m ann 1978) and assuming th a t ^ ( t)= c o n s ta n t for a spiral 
galaxy.
The SN l ra te  is given by:
where M bi nf  =  max (2M 2,M ß ,min),
M up =  M 2 +  0.5M s ,max.
This neglects the tim e the secondary m ay spend as a g iant which «  10% 
of tm, and the effects of mass loss on the secondary’s lifetime.
by:
2 <  Mi  <  2.2 He




T he specific energy E/M o  was calculated from equation (3.3.10) using 
the m ean energy per SN 1= 5 x lO50 ergs. This is shown in figure (3.3.3) 
for a CO w hite dw arf w ith 7 =  2, M b ,min — 4. The results are insensitive 
to  variations of 7 and M b ,min- For the He white dw arf model the specific 
energy lost doesn’t become significant till a la ter tim e ( «  109 yrs) but the 
to ta l specific energy lost after 1010 yrs is not greatly changed.
It can be seen from  figure (3.3.3) th a t w ith the above param eters, the 
b inary  m odel produces a to ta l specific energy com parable to  th a t from the 
single s ta r model, although it obviously occurs over a much longer timescale.
3.3.4 Supernovae: SN II
It is generally believed th a t all massive stars end their lives as SNII. If all 
stars w ith m  >  M mtn explode as SNII, the specific energy is given by:
E  rMu
—  =  / E o $ ( m ) d m  M m in < m t < M u  (3.3.11)
JVIq Jmt
=  0 otherwise
where E q ~  1031 ergs, M min <  8M®. As before we have 
neglected the tim e a s ta r m ay spend evolving beyond the MS. The specific 
energy is shown in figure (3.3.3). The m ain uncertain ty  is due to  M mtn. 
Changing M mtn to  12 M q reduces E/M o  by a. factor «  2.5. It can be seen 
from figure (2.3.3) th a t m ost of the energy ou tpu t from the system  is likely 
to come from  SNII.
3.3.5 O ther P ossib le Energy Sources
i)S tellar W inds from Long-lived Dwarfs
If we assume th a t every s ta r  w ith m  < 1 M q has the solar wind velocity 
( % 500 km /s) and mass loss rate , the to ta l specific kinetic energy lost is 
% 2 x 1045 ergs/M ©. This is 100 times less th an  the specific energy from 
O -type stars and hence can be neglected.
ii)S tellar W inds from  C entral Stars of P lanetary  Nebulae 
C entral stars of PN show mass loss rates and stellar wind velocities 
com parable to O -type stars. Suppose th a t all stars w ith initial masses
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1.4 <  m  <  8 M q go through a PN stage w ith a lifetime of 4 x 104 yr, a mass 
loss ra te  of 1 x 10~ 'M q /y r  and a velocity of 2000 km /s; typical values 
for PN . T hen the toted mass loss A M / M o  is 10-4 and the to ta l specific 
energy loss is 1.6 x 1046 ergs/ M q . These are bo th  negligible com pared to 
the above.
iii)Stellar winds from Red G iants
The highest observed mass loss rates from cool giants are around 10_5M@ 
/y r. T he term inal wind velocities are m uch lower th an  those from hot stars, 
ranging from  10km /s to 75km /s. This means th a t although stellar winds 
from cool giants m ay contribute to the mass evolution of the system , their 
contribution  to the specific m echanical energy loss is negligible.
For instance, suppose every s tar undergoes mass loss in the g iant phase 
leaving rem nants w ith masses 0.44 +  0.16m ( M q ). This is not unreasonable, 
considering the lifetime of red giants and the observed mass loss rates. Then 
the net contribution  to the system ’s mass loss is A M / M o  =  0.14. W ith  an 
average stellar wind velocity of 40km /s the specific kinetic energy lost is 
2 x 1045 ergs/ M q . T hus the contribution to the system ’s specific energy 
evolution is very small.
3.3.6 D iscussion
As can be seen from  figure (3.3.3), the to ta l specific energy is dom inated by 
the energy input from supernovae, especially SNII, a lthough stellar winds 
from m assive stars dom inate a t early tim es, t <  107 yrs. The to ta l specific 
energy is relatively insensitive to the origin of SN1.
In the  above analysis a constant IM F and solar m etallicity have been 
assumed. M etallicity effects are uncertain. The theory of rad iation  driven 
stellar winds predicts th a t the mass loss ra te  scales as Z -0-5, (A bbott 
1982a) so hence a lower abundance m ay lessen the im portance of stellar 
winds. A bundance changes m ay also change the IMF. Low abundances 
m ay prom ote the form ation of very massive stars. K ahn (1974) predicts 
th a t M up  ~  Z ~ 0-5. Such an effect m ay be very relevant to the form ation of 
massive halos of galaxies through direct collapse of the stellar cores to  black 
holes. Silk (1977) proposed th a t the lower mass lim it varies as M l ~  Z ~ 2 
so th a t there were fewer low mass stars at early times.
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3.4 A H o t P h a se  in  H y d ro s ta tic  E q u ilib ­
riu m .
It was shown in chap ter 2 th a t a protogalaxy will become inhomogeneous 
and consist of gaseous cloudlets surrounded by a hot medium. In this 
section the  dynam ics of this hot phase will be investigated in more detail 
and a simple m odel developed.
Suppose the hot gas is in hydrostatic  equilibrium  in a spherically sym­
m etrical system . For an isotherm al gas the density pH is given by the usual 
barom etric equation:
Ph (t) =  p0exp(~<t>(r)/c2H)(3.4.1)
where ch is the isotherm al sound speed.
(j){r) is the g ravitational poten tia l of the cold phase 
po is a constant.
(We have assum ed here th a t the mass of the hot phase is small com pared 
to  the mass of the cold phase so th a t the self gravity  of the hot gas can be 
neglected.)
If it is assum ed th a t the cold phase has a spatial density ~  r~ 2, which 
is likely to  be the case at early tim es (see section 2.2), the density of the 
hot gas, obtained from equation (3.4.1), is given by a power law:
Ph (r) = Po(^) (3.4.2)
where a  = GMq/ (c2hR g )
A m inim um  radius a t which the hot phase can be in therm al equilib­
rium  can be estim ated  by determ ining the radius at which its cooling time 
equals the  protogalactic free fall tim e. Gas w ithin this radius will cool in 
tim escales short in com parison to the galaxy’s form ation timescale. To do 
this, obviously the cooling function for the hot gas needs to  be estim ated.
For the tem peratu res considered here, (T  «  106 K ) the dom inant cool­
ing process is perm itted  line transitions of heavy elem ents, w ith a smaller 
contribution  from  brem sstrahlung which rapidly becomes larger w ith in­
creasing tem peratures. Hence it is a reasonable approxim ation to  approx­
im ate the cooling function for a gas of abundance Z  relative to the cos-
50
mic abundance by: AZ  where A is the cooling function for a gas w ith a 
cosmic abundance. This approxim ation breaks down when the therm al 
brem sstrahlung contributions from hydrogen and helium dom inate, i.e. for 
Z  <  0.03 for T  =  106AT.
For a gas of cosmic abundance w ith He 10% by num ber, the energy 
rad iation  ra te  for tem peratu res in the range 105,3 < T  < 10" 5K  can be 
approxim ated  by:
A =  1.3 x 10-19T"”0‘5 (Raym ond, Cox and Sm ith (1976)).
We have neglected here the enhancem ent factor B , defined by Mckee and 
Cowie (1977) , due to the cloudy natu re  of the cold phase. For the situation  
considered here B is of order 1 .
At the  m inim um  radius Rj:
t f f tcoo l
Hence
( R i \ 3~aI 
\ R a )  J \ R a J
a 1'5 M h 2.5 (3 — a )  ——t
fj,2-5 M g  M g i 2
( « <  3) (3.4.3)
where M h / M q is the fraction of mass contained in the hot phase and we 
have assum ed th a t bo th  phases have the same outer boundary. The inner 
radius of the hot phase is shown as a function of the mass fraction in the 
hot phase, for various m etallicities, in figure 3.4.1.
Hence the existence of a significant halo in equilibrium , in the absence 
of heating, is favoured by protogalaxies w ith large densities and low abun­
dances, and haloes w ith steep density gradients.
The above analysis gives only an upper limit to the inner radius of the 
hot gas for a given M h / M g . It was shown in the previous chapter th a t 
cloudlets in the inner region were more likely to  become gravitationally  
unstable and undergo a burst of s ta r form ation. The resu ltan t supernovae 
and stellar winds from  massive stars are hence likely to replenish and reheat 
the gas in the inner region. T hus a steady-state  approxim ation is invalid 
and num erical m ethods should be used. In teractions betw een the hot phase 
and the  cloudlets tend  to  heat the hot phase and hence lead to a longer 
cooling tim e. Conduction also leads to a larger cooling tim e and hence a
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sm aller inner boundary, because the central regions are constantly  heated 
by conductive flux from regions fu rther out. We have also neglected the 
energy input to the hot phase from the supernovae which can escape from 
the  cold cloudlets after s ta r form ation takes place. For example, it can be 
estim ated  using the results of the previous section, th a t 5 x 108 stars can 
keep a halo hot for % 108 yrs, assum ing a mass fraction M u /M q =  0.1.
If cooling is im portan t i.e. w ithin the radius R \ , one can show th a t 
there exists a critical solution (T  rem ains finite as r  —► oo) to the steady 
flow problem  w ith T  = 1GM g\jlvtihI  (3 k R q)= const ant, and p ~  r -1,5. This 
flow is likely to be therm ally unstable, leading to the form ation of more 
cool cloudlets and a less massive hot intercloud medium, as described by 
Fall and Rees (1985).
If the hot phase is bound to the protogalaxy, the tem peratu re  of the hot 
gas m ust be less th an  the escape speed, otherwise a galactic wind results. 
Hence for a sta tic  halo:
a  > 1.5. (3.4.4)
T hus in this case the m otion of the cool cloudlets, either partic ipating  in 
the free fall or in virial equilibrium , is supersonic or a t least transonic 
w ith respect to  the hot gas. The next chapter will investigate some of the 
consequences of this supersonic motion.
3.5 T he effects o f Star Form ation.
The above model is only valid for a purely stellar cold phase. In a more 
realistic situation  the effects of s ta r form ation, exchange of mass, and ex­
change of energy due to  in teractions betw een the hot phase and gaseous 
cloudlets, m ust be taken in to  account.
Let us consider a region consisting of diffuse hot gas, tem peratu re  T, 
surrounding n cloudlets of mass M ci, of which en undergo a burst of s tar 
form ation at tim e t =  0. It can be shown th a t w ith reasonable assum ptions 
the mass of a cloudlet can be described by: (see Section 3.2)
M d  (t ) =  Mdo t < 106 yrs
=  e j jM M l.Q lr 0 037 t >  106yrs (3.5.1)
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where w*e have assum ed th a t a burst of s tar form ation takes 
place a t tim e t = 0 yrs w ith efficiency e / / ,  and th a t the rem aining gas, 
(1 — e f f ) M cio is rapidly ejected from the cloudlet.
Theoretical estim ates based on the dissipationless collapse of a uniform 
density  cloud suffering this impulsive mass loss at m axim um  compression 
show th a t ef j  m ay have to be as large as 0.9 in order for a bound stellar 
system  to form (Hills (1980)). N-body experim ents perform ed by Carlberg 
and H artw ick (1981) suggest th a t a significant bound system  m ay rem ain 
even when e / /  is considerably less.
The m aterial ejected from  the cloudlets has its energy from  mass mo­
tions rapidly therm alised and reaches a tem peratu re  T  ~  ^ ttihv2/(3k)  
where v is the velocity dispersion of the cloudlets. The energy contributed  
by this process is m uch less th an  th a t from SN and stellar winds considered 
in Section 3.3. T hus the mass of the hot halo can be described by:
M H(t) =  M 0 t <  106yr (3.5.2)
=  Mo -f- (1 — t f f ) M cio€n 4- e/ fMdotn  (^ 1 — 1.67£ 0 037) t >  106yr
where Mo is the initial mass of the hot gas.
If the hot gas is assum ed to be well mixed; the yield y is assum ed to 
be constan t, and we neglect the sweeping up of m etals by the rem aining 
gaseous cloudlets, the m etallicity  of the hot gas is given by:
Z ( t )  = ZqM q +  ( l  -  1.67« 0037) yenMdot j j  +  Zd M doen (1 -  e //)] / M H (t )
(3.5.3)
where Z q is the  initial m etallicity and Zc\ is the average m etal­
licity of a cloudlet.
Thus, if Mo =  0, the m etallicity is obviously independent of the actual 
mass contained in the hot phase, and is given by:
c / / ( l  -  1.67t“0*037)
1 - 1 . 6 7  ef f t-°-037
Hence the  m etallicity depends mainly on the local efficiency of s ta r form a­
tion. Its evolution is shown for various values of e //  in figure 3.5.1. For
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high values of e // ,  consistent w ith the idea th a t gaseous cloudlets undergo­
ing s ta r form ation become bound stellar systems, the hot gas m ay become 
m etal rich.
3.6 C onclusion
The m ass evolution and m echanical energy ou tpu t of a gaseous system  un­
dergoing a sudden burst of s ta r form ation have been investigated, allowing 
for the  effects of stellar winds and supernovae. It is estim ated th a t w ith 
a Salpeter IM F the system  m ay lose as much as 30% of its mass in 1010 
yrs, and o u tpu t 1049 ergs/M@ of m echanical energy in to  its environm ent. 
W ith  a fla tte r IM F there would be even more mass loss and energy ou tpu t. 
Simple models have also been developed to determ ine the  physical condi­
tions of the hot phase, which is formed as a result of this mass loss, and 
by processes described in the previous chapter. Obviously, more realistic 
noq-equilibrium  models require num erical m ethods. These m ethods will be 
discussed in chap ter 5.
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Figure 3.2.1
The mass evolution of a system  undergoing a sudden burst of s ta r for­
m ation  is shown.. It is assum ed th a t all m aterial is initially converted into 
stars and th a t all the gas produced by supernovae and mass loss is removed 
from the  system . A Salpeter IM F has been assumed, w ith mass limits 
m i, — 0.1 M q and m u  =  100 M©.










The specific luminosity, L(t)/Mo, produced by m ain sequence stars is 
shown as a function of tim e for a system  undergoing a sudden burst of 
s ta r form ation. The lum inosity is initially dom inated by m assive stars 
which have short lifetimes. A Salpeter IM F has been assum ed w ith limits
mi =  0.1 Mq, M u =  100 M©.









The fraction of stellar mass lost due to stellar winds is shown 
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T he contributions to the to ta l system  mass lost by:
(i) stellar winds from  O -type stars (solid line) and
(ii) stellar winds from W R  stars (broken line) 












The specific kinetic energy (ergs/M@) lost from the system  by:
(i) stellar winds from  O -type stars, (solid line)
(ii) SN2, (short dash)
(iii) s tellar winds from W R  stars, (dots)
(iv ) S N l, CO binary  m odel (dot-dash) and
(v) SN1, single s ta r model (long dash) 
are shown as a function of tim e.










E stim ated  contributions to the specific kinetic energy (which is lost from 
the  system ) from  :
(i) stellar winds from  massive OB stars,
(ii) stellar winds from W R  stars,
(iii) SN1 (single s ta r m odel)
(iv) SN1 (binary  s ta r model) and
(v ) SN2
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The inner radius of the hot gas is shown as a function of its mass fraction 
for various values of the steepness parameter a and metallicity Z:
(i) solid line, a = 1.5,Z = 1
(ii) dotted line, a = 2.0,Z = 0.8
(iii) dashed line, a = 2.0,Z = 1
(iv) dot-dash, a — 2.5,Z = 1












4.1 I n tr o d u c t io n
We have seen in the previous chapter th a t the m otion of the cloudlets with 
respect to the hot intercloud medium is likely to be supersonic. In this 
chapter we will investigate the effects of this m otion on the cloudlets. This 
problem  has been investigated, for example, by Christiansen (1969), in re­
lation to a plasmon ejected from a galaxy moving through the intergalactic 
gas, in order to account for structural details and other properties of radio 
sources. It is easily shown tha t the m ean free p a th  of electrons in the hot 
intercloud medium is less than  the typical length scale of the cloudlets, even 
in the absence of magnetic fields. Hence the usual hydrodynam ic equations 
can be applied. In section 4.2 we shall basically follow the derivation of de 
Young and Axford (1967) for an isotherm al cloud, generalised to include 
the effects of the static pressure of the intercloud medium. We then discuss 
the effects of self gravity.
4.2 T h e  S h ap e  o f C lo u d le ts  C o n fin ed  b y  R a m  
P re s s u re
4.2 .1  G enera l T h eo r y
Cloudlets are no longer spherical, but flattened due to the ram  pressure of 
the intercloud medium. We shall assume th a t a cloudlet is moving with 
supersonic velocity vci relative to an intercloud m edium  with density ptc, 
pressure Plc. We shall also assume th a t the cloudlet has cylindrical geome­
try, the axis of sym m etry being parallel to the direction of motion. A bow 
shock will be formed ahead of the cloudlet. Assuming Newtonian flow, valid 
for the front of a cloudlet travelling hypersonically, the external pressure 
acting on the cloudlet is given by:
Pe = picv2cl cos2 a  -f picc2H (4.2.1)
where a  is the angle between the direction of m otion and 
the norm al to cloudlet’s surface at a given point (see figure 4.2.1). For a 
cloudlet which has an isotherm al equation of state:
Pci —  pdCci (4.2.2)
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where cc/ is the speed of sound inside the cloudlet. Assuming 
pressure balance:
pcic2d = picv 2d cos2 a  +  picCpj  (4.2.3)
Hence
P°_ _  vcl 
Pic Cll
(4.2.4)
where p0 is the stagnation  point density.
For the  purposes of calculation, it is convenient to assume th a t the cloud 
is in a quasi-steady sta te , in which it experiences a uniform  deceleration g. 
Then
2 ^  Pci9 =  ~ccr
Pci
(4.2.5)
T hus the density is given by the usual equation for an isotherm al atm o­
sphere:




—  =  cot a =  ■ .......... — =r-
dZ y j ( l  — COS2 Ol)




y / l  — U
where u =  exp(—g z /cd) and B  =  c2H/ (v d + c2H). This can 
easily be in tegrated , to  obtain:
i  = ™ccos{ 2\  3 b  " )  +  ^ { ™ CC0K U(B( B - \ ) u™ )  -  w)  (4-2-9)
where h is the scale length given by: h =  c2J g .  This is shown 
in figure (4.2.1) for various values of vci/ ch =  M..
For the particu lar case when the static  pressure is un im portan t, ch ~  0 
and  th is equation (4.2.9) reduces to:




In this case the cloudlet has an infinite extent in the z direction and a 
maximum radius, reached asymptotically, rm = irh. In general the maxi­
mum radius rm — irh (l — \J~B), is reached when u = B, or
■-‘K4*4)-
The drag force suffered by a cloudlet is given by:
F = gMd.
The cloudlet mass, Md, is given by: Md = cmpoh3, where cm is a constant, 
shown in figure (4.2.2) as a function of B. It can be seen that there is 
almost a straightline relationship.
We can define a drag coefficient Cd by:
F = CDpicvdh2. (4.2.11)
It is then easily shown that Cd — cm (1 -f y\d~2). Hence, for a given scale 
height, Cm determines the importance of the drag force. The importance of 
the drag force can be seen by defining a stopping time for a cloudlet, given 
by:
tstop = vd/ g
For a cloudlet travelling at the virial speed, GMq /  Rg), through an inter­
cloud medium of density p,c = 5.4 x 10-27 (1 — f m) /a2 g cm~3 and temper­
ature Tic = 106MGi2/ R giooK:
tstop «  7 x 10s ( (1 _ ^ )cJ  1/3^ M ä U erf£oo yrs- (4.2.12)
Thus, comparing this to the free-fall time of the protogalaxy, the drag force 
is important for determining the dynamics of the cloudlet system.
Cloudlets may be subject to Rayleigh-Taylor instabilities, leading to 
plumes or tongues of material being stripped from the cloudlets, as de­
scribed in the models of Woodward (1976). The e-folding time for such 
instabilities is given by:
tR.T. = (gk)-°5 Blake (1972) (4.2.13)
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where k is the wave number. For the minimum wave number, 
k = 1/h, this becomes:
tfi.T.  —  y  h / g  =  C d / g  —  C c i / v ci istop-
Hence the e-folding time is much less than the stopping time, although the 
cloudlet may be stabilised by its magnetic field. Material stripped from the 
cloudlets is likely to be thermalised, and become an important source of 
mass for the intercloud medium.
4.2 .2  S elf G ravitating C loudlets
We have so far neglected the self-gravity of the cloudlets, which is obviously 
important. As a first approximation, we shall assume that the density is 
given by:
p{r,z)  = p0
exp (—z/h)  
( l  +  ( r / r 0)2)
(4.2.14)
ity.
where ro =  CdyJ^H^Gpo) is the scale length due to self grav-
Then the density satisfies the Poisson equation, as a function of r. 
Hence equation (4.2.8) becomes:
dr _ \ u -  B (l  + ( r / r 0)2) 
dz
(4.2.15)
(l +  ( r / r 0)2) -  u
This can be solved numerically for a given (/i, r0, B).  In general the cloudlet 
extends indefinitely in the z-direction, although the density becomes very 
small. The shapes of cloudlets with various values of r0/h  travelling at huge 
speeds (M. —> oo), are depicted in Figure (4.2.3). As the effects of gravity 
become more pronounced i.e. as r0/h  decreases, the cloudlet obviously 
becomes smaller.
The mass of the cloudlet is given by:
M ci — 7rp0h3 /
rzR2 (4.2.16)
1 -f (hR/r0)
where R  =  r(z)/h.
Hence Mci =  cmpoh3 where cm is a function of (h/r0,B)  and can be 
determined numerically. Figure (4.2.4) shows cm as a function of r0/h  for
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a cloudlet travelling at M. —► oo. As r0/ h  decreases cm also decreases and 
hence drag becomes less im portan t.
We can compare the two scalelengths h and r 0 for a cloudlet mov­
ing at the virial speed through an intercloud m edium  of density 5.4 x 
10-27 (1 -  f m) / a2 M g u / R gioq g cm -3, and tem peratu re  106M Gi 2/ R gioo K .





(Vcl +  ch )1/3
0.26, ,
(1  -  f m) Cr
1 / 3  M ] I q  d 5 / 3  r p l / 3  
G l ° °  CU  •
(kpc) (4.2.17)
For a self-gravitating cloudlet:
^ » 0 . 3 7 7 ^ -- , - ° ...- f / 100. (4.2.18)
V(1 -  /m)
Thus in this case the two scalelengths are com parable and the effects of 
self-gravity should be considered.
In the above analysis it was assum ed th a t ram  pressure was im portan t 
in determ ining a cloudlet’s configuration. In this case some m aterial will 
be removed from the cloudlet by the ram  pressure, if:
Picsel ~  PclGMjRd
Pic _  1 n _3  Me,6 R gioO 
—— ^2 J . U -----------------------.
Pci M Gl 2 Rcl.l
(4.2.19)
4.3 D iscussion
It is easily shown, using the evaporation rates given by Mckee and Cowie 
(1977), th a t the cloudlets are unlikely to be evaporated  w ithin a Hubble 
tim e by the hot intercloud medium.
Fall and Rees (1986) have shown th a t the absorption of X-rays from a 
hot intercloud gas can provide enough energy to make it possible for the 
cloudlets to contract quasi-statically, even when there are significant num ­
bers of free electrons which raise the cooling ra te  above the value calculated
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in chap ter 2. There is ano ther source of energy for the cloudlets due to their 
m otion through the intercloud medium. The cloudlets are slowed down due 
to the drag force and hence some of the cloudlets’ kinetic energy will be 
transform ed into in ternal energy. The effective heating ra te  for a cloudlet 
travelling at the virial velocity through an intercloud m edium  w ith density 
pic =  5.4 x 10‘ 27(1 — f m) / a 2 g c m ~ 3 is given by:
A « PicVd
nlR d
«  5 x 10 - 2 7  1 f m  M q i 2 R 2cU
>2 RtfooW« ergs cm 3 s \  (4.3.1)
A lthough it is not possible to determ ine how m uch of this energy goes into 
heating the cloudlet and how m uch is used to  heat the intercloud medium, 
it is apparen t th a t this an im portan t source of energy (c.f. equation 2.3.4).
We have shown in chap ter 2 th a t the intercloud m edium  will contain 
cool dense SN shells. Cloudlets moving in this m edium  will be polluted 
by this m aterial and become chemically enriched. This will increase the 
cooling ra te  of the cloudlets and hence shorten the  quasi-static collapse 
timescale given in equation 2.3.4. The mass swept up per unit tim e is given 
by:
M s w  =  & s w \ v re l \ p  shell R{t)  (4.3.2)
where asw  is the effective cross sectional area of the cloudlet, 
v rei is its relative velocity and P ( t)  is the probability  of a cloudlet m eeting a 
shell. Clearly P ( t)  will be greater in the central regions of the protogalaxy. 
Hence we have a na tu ra l m echanism  for the form ation of an abundance 
gradient. It can be shown th a t cloud acceleration due to in teraction w ith 
the shell is unlikely to be significant.
Woosley and W eaver (1982) have estim ated th a t the mass fraction of a 
s tar re tu rned  to  the in terste llar m edium  as heavy m etals, is given by:
zej — 0 .5 -----—, m  >  13M® (4.3.2)
m
where m  is the mass of a massive s ta r in units of M q .
Hence the num ber of supernova rem nants a cloudlet has to accrete to 
raise its m etallicity by O.O3Z0 (a  typical globular cluster m etallicity) is 
given by:
N  «  24M c/6, (4.3.3)
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for Salpeter IM F with upper mass limit 100 A/0 . This result 
m ust be modified to include the effects of the possible self-enrichment of 
m assive cloudlets.
A new burst of s tar form ation may be induced by the passage of the 
shock. For plane-parallel geometry, Elmegreen and Lada (1977) and Elmegreen 
and Elm egreen (1978) have shown th a t a shocked layer of gas will be subject 
to g rav ita tional instabilities if its surface density exceeds a value of:
/  p  \ ! / 2
c r > 0 . 9 l f ——J gm cm (4.3.4)
where P  is the pressure in the shocked layer. If we equate 
this w ith the ram  pressure associated w ith the shock moving in the diffuse 
in tercloud m edium , it is easily shown th a t the shock is unlikely to become 
gravitationally  unstable. If the shock encounters a cloudlet however, it will 
become unstable if:
-Mc/6 >  0.09 a 2 J (4.3.5)
where v3e is the shock velocity in units of 106cm /s, and we 
have assum ed th a t the cloudlet is spherical, w ith  a r~2 density d istribution.
Once significant s ta r form ation takes place, the drag force is turned  
off and  the cloudlet no longer accretes m etal rich m aterial; the rem aining 
gas which has not formed stars is removed by ram  pressure stripping and 
supernovae. W hether or not the rem aining stellar system  is bound depends 
on the  efficiency of s tar form ation.
G rav ita tional encounters between clouds tend  to random ise the velocity 
d istribution  and lead to  energy equipartition. This 2-body relaxation may 
lead to considerable evolution of the system  as a whole. The system  forms a 
pronounced core-halo s tructu re  as objects w ith the highest velocities escape 
from the central regions and  form an extended envelope. If we assume 
th a t the cloudlets can be regarded as point-particles, the  s tandard  2-body 
relaxation tim e is given by:
u 3
R 15.4G2m 2n ln (.41V)  ^ ^
(Spitzer and H art 1971) where N  is the num ber 
of objects of average mass m , num ber density n, w ith velocity dispersion 
u.
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For a uniform  density sphere w ith mass M ,  radius R,  in virial equilib­
rium  u 2 =  .6GM/R.  Hence
r r  C l , 1 n i 3 V ^ ü ^ i o o  if l  =  0  x  1U — — ;——— — yrs. (4.3.7)McI6ln(.4JV)
T hus 2-body relaxation is unlikely to  be im portan t.
The above argum ent is very approxim ate. The m inim um  im pact param ­
eter, 2G m / u 2, used to obtain  equation (4.3.6), is likely to be m uch smaller 
th an  the radius of a typical cloudlet. Hence the point-particle  approxim a­
tion is not very good. The result th a t g ravitational encounters between 
cloudlets are un im portan t still holds.
If the cloudlets have a large spread in mass, dynam ical friction effects 
m ay be im portan t, causing the heaviest cloudlets to congregate in the cen­
tra l regions of the protogalaxy. The characteristic tim e for dynam ical fric­
tion to  take place is approxim ately given by: T q  =  ttiT r / M , for a cloudlet 
of mass M.
The collision tim e for the system  of cloudlets is given by:
tec =  (4.3.8)crcn cu
where crc is the effective collisional cross-section, and n c is 
the num ber density of gaseous cloudlets. We shall assume th a t the effec­
tive cross-section is independent of velocity and is given by some num erical 
factor p times the geom etrical cross-section, where p is generally <  1 be­
cause of the num ber of oblique collisions. N-body experim ents suggest th a t 
p «  0.2 (Scalo and Pum phrey 1982).
If we assume th a t u can be approxim ated by the virial velocity, then:
„  4.9 x ^  yrs (4 .3 .9)
PJm V^1G12 n d.l
for a r -2 density distribution where we have assum ed th a t 
all the  cloudlets are gaseous. This characteristic collision timescale obvi­
ously lengthens as more and more cloudlets undergo s ta r form ation. Hence, 
com paring tcc to  the  free-fall timescale, collisions are likely to be im portan t, 
especially in the central regions of a protogalaxy. For a gaseous protogalaxy 
collisions dom inate over most of the region, bu t as some of the cloudlets un­
dergo s ta r form ation and their collisional cross-section becomes negligible, 
drag forces become more im portan t for the rem aining gaseous cloudlets.
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Figure 4.2.1
Sketch of a cloudlet moving through the intercloud medium. The cloudlet 
is assum ed to have cylindrical sym m etry about the z-axis. The shapes 






The constant cm =  M ci/(poh3) is shown as a function of B  =  1 / ( 1 + M 2).
0.00 0.05 0.10 0.15 0.20 0.25 0.30 0.35 0.40 0.45B
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Figure 4.2.3
Sketch of the shapes of self-gravitating cloudlets travelling at mach 





The mass constant cm, defined in equation (4.2.16), is shown as a func­
tion of the ratio of the scalelengths r0 and h, for self-gravitating cloudlets 
travelling at M  = oo.
rO/h
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5.1 In tro d u c tio n  to  S P H
Sm oothed Particle  H ydrodynam ics (SPH ) is a Lagrangian particle num er­
ical scheme developed by Gingold and M onaghan (1977), (1978). In this 
section we will provide a brief in troduction  to SPH.
We can regard a fluid as consisting of a num ber of in terpolation  poin ts or 
’partic les’. For particles of equal mass the nu m b er/u n it volume is p ropor­
tional to  the density: i.e. we can assume th a t the particles are d is tribu ted  
according to the density. Hence we can regard the density as a probability  
function. The problem  is th a t we need to  recover this probability  function 
from  the known distribution  of particles. This can be done using a kernel 
approxim ation m ethod.
Let us consider a sm oothed density ps(r) defined by:
where W  is the kernel, norm alised so th a t: /  W(r)dr = 1, and the integrals 
are over all space.
If we have a set of N particles d istribu ted  according to p, we can use a 
M onte Carlo m ethod to estim ate p s”.
where r, is the position vector of particle i.
It is easily shown th a t the expectation of ps,./v(r) is ps(r)- As N ap­
proaches oo we choose W (r) so th a t p s (r)  becomes a b e tte r approxim ation 





W(  r — r') —► <$(r — r'). (5.1.4)
A convenient kernel to choose is the Gaussian kernel:
(5.1.5)
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where h is the sm oothing length.
This kernel has been shown to give good results in a num ber of astro- 
physical problem s (e.g. Gingold and M onaghan 1979).
If the sm oothing length h is too small, sm oothing effects axe reduced, 
and random  fluctuations in the  SPH estim ates become large. As h increases, 
the  differences between the sm oothed function and the true  function become 
larger. The resolution is also reduced because features of extent < h/2 axe 
sm oothed out. T hus a compromise m ust be reached. One m ethod is to 
choose h so th a t Yli Ylj exP ( ~ ~  41V, so th a t the density estim ate 
is not dom inated by the self-density. Tests were carried out in m ost cases, 
using different values of the sm oothing length, to  show th a t the qualitative 
results were not changed.
Gingold and M onaghan (1982) have shown th a t the usual mesh based 
particle m ethods can be considered to be kernel m ethods, provided th a t the 
appropria te  kernel is chosen. A m ethod using a simple kernel such as the 
G aussian above tends to give b e tte r resolution since the  sam pling points 
axe d istribu ted  according to the density. Since the estim ates depend only 
on the sm oothing length and the particle sep • rations there is no geom etry 
im posed on the d istribution.
For the G aussian kernel it is easy to determ ine the sm oothed grav ita­
tional force acting on each particle. Suppose th a t we have the equation of 
motion:
where is the g ravita tional potential.
Following M onaghan (1982), to ob tain  the SPH equivalent of this, by 
analogy to  equation 5.1.1, we m ultiply bo th  sides of the equation by the 
kernel and in tegra te  over all space, assum ing th a t h is constant in bo th  
space and tim e. In the following discussion boundary term s are neglected, 
assum ing th a t either the variable which is being sm oothed or the kernel 
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Since $ 5  =  G f  j^zpjdr', it is easily shown tha t:
V $ 5  =
GM (  2 j  , Uj
N \ / i r h 2 ^  V Uj XP h2 u]
erf - i
h
where uj  =  | r  — r  j | , and
(5.1.8)
(5.1.9)
The po ten tia l energy is then  given by:
(5.1.10)
ß  =
=  f  I > -  (5.1.11)
The g ravita tional po tentia l includes the ’self energy’ term , — 2M/ (hN y/P), 
at r  =  rj. This self energy term  is included because its inclusion leads to 
an SPH estim ate for the po tentia l energy which is closer to the expected 
sm oothed po ten tia l energy distribution. Equation  (5.1.7) can be evaluated 
at each particle position r,. As expected the force is anti-sym m etric in r t 
and Tj.
There are a variety of ways to estim ate the pressure force. M onaghan 
(1982) has shown th a t if the pressure force is given by:
YIl
pi
M y- .^Pj jPt\  T T T  (  \
Pi
(5.1.12)
linear and angular m om entum  are conserved. This m ethod also has the 
advantage th a t if P  =  P(p)  the forces are antisym m etric in r, and r j so 
th a t the position of the center of mass of the  system  is preserved. For 
an isotherm al d istribution, Pj = c^p, and V ,W  can be calculated from 
equation (5.1.4). As an example, we show in figure (5.1.3) the pressure 
force estim ate for a Gaussian density d istribution  com pared to  the  true
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pressure force. It is seen th a t a  good estim ate is obtained, except in the 
outerm ost regions where boundary term s become im portan t.
For certain  density distributions equation (5.1.1) can be solved analy t­
ically to find the sm oothed density p s(r). For instance, suppose we have a 
uniform  sphere:
Then:
p (r) =  c r < R
=  0 r > R (5.1.13)
Ps(r)  =  - * " ( - +r
(  R  +  r R  — r
y /irr h
(5.1.14)
T hen p(0) =  c and p(R)  ~  c/2  
see figure (5.1.2).
This illustrates one of the characteristics of this sort of density estim ate: 
if the density has a sharp boundary, it is sm oothed out by the SPH esti­
m ate. We shall investigate more thoroughly the effects of this sm oothing 
in the next section. For more centrally concentrated  distributions bound­
ary effects are obviously less im portan t, because there are less particles 
near the boundary. As an exam ple, let us consider the density d istribution 
p(r) =  exp (~  J j)-  It is easily shown th a t the corresponding sm ooth density 
is given by:
p s { r )  =
T hus bo th  the spread and the  m agnitude of the density distribution 
have been changed. The central density peak is sm oothed out by the SPH 
estim ate w ith in  the radius r= h . This central density difference can be 
reduced by using a biass reducing kernel as described by M onaghan (1982). 
We ran  a series of tests, com paring the  true  density w ith the expected 
sm oothed density obtained using biass reducing kernels of various orders, 
which showed th a t a high order biass reducing kernel m ust be used before 
there is a significant im provem ent. A biass reducing kernel m ay be useful 
if one w ants to use an exceptionally large sm oothing length, so th a t the
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variance in the SPH density estim ate is small, and also requires th a t the 
SPH estim ate rem ains close to the true  density. Biass reducing kernels are 
not used in this thesis. The central density difference can also be reduced 
by using a sm oothing length which depends on the particle positions, as 
used by W ood (1981). This however slows down the algorithm  for finding 
the forces and also results in difficulties in in te rp re ta tion  because the forces 
are no longer N ewtonian i.e. the  forces are no longer equal and opposite, 
and m om entum  is not conserved. For these reasons an h which varies w ith 
position was not used.
For a spherically sym m etric distribution, if it is assum ed th a t the  density 
d istribu tion  in the central region can be approxim ated by a power series, 
equation (5.1.1) can be solved to  give the sm ooth density which can be ap­
proxim ated by a power series in (r / h )2. Hence if the sm ooth density can be 
approxim ated  by such a series in the central region, the original unbiased 
central density d istribution  can be determ ined by equating coefficients and 
solving the resulting system  of linear equations. This procedure was tested  
by com paring the central density of a known d istribution  to the estim ate 
obtained  using the above m ethod. The results agreed w ithin «  5%, pro­
vided th a t a sensible sm oothing length was chosen. If the sm oothing length 
is too large, so th a t the sm ooth central density and the true  central density 
differ greatly, the results will be inaccurate.
In order to  have reasonable resolution in models which suffer large 
changes in scalelength during their evolution, it is necessary to have a 
sm oothing length which varies w ith tim e. Gingold and M onaghan (1978) 
found th a t keeping h proportional to the grav ita tional energy produces 
reasonable results. This gives an ex tra  force term  because:
-= -^§r - . (5-U6)
The second term  was included whenever a varying sm oothing length was
used. Simple expressions for dh/drk  and hence dh/dt  can be found, which 
take little  ex tra  tim e to  com pute if the density and po ten ta l are required
anyway. Excellent energy conservation is achieved.
The particles are initially d istribu ted  according to  the density; random  
num bers, generated from p using an acceptance-rejection m ethod, are used 
as the initial positions of the particles. However, in order to minimise the
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initial random  fluctuations, the particles should be ’cooled’. The particles 
undergo an initial evolution in order to set up  the initial data. Following 
a suggestion by Gingold and M onaghan (1982) the particles are evolved 
according to the equation of motion:
V psn  V ps
-  7 r,- (5.1.17)
PSN PS
where 7  is a dam ping constant typically chosen so th a t 7 dt =  constant — 
0.1 and ps is calculated num erically from equation (5.1.1). The SPH es­
tim ate  is obtained from equation (5.1.9). T he forces are modified so th a t 
there is no m otion of the centre of mass. The in tegration  is stopped when 
the fluctuations have been reduced to a predeterm ined level. The particle 
positions can then  be used as starting  positions. The results are shown 
in figure (5.1.1) for p =  constant. Figure (5.1.1a) shows the initial den­
sity, sam pled along the X-axis using equation (5.1.3). This actually gives a 
false im pression of the sm oothness of the distribution. The density sampled 
at each particle (not shown) looks like a sca tte r diagram . Figure (5.1.1b) 
shows the density d istribution along the X-axis after significant cooling has 
taken place. Figure (5.1.2) shows the density sam pled at each particle for 
the same distribution. It can be seen th a t the initial random  fluctuations 
can be reduced considerably, although there is some tendency for particles 
to form  shells.
The code was w ritten  in Fortran , to run  on a VAX11/780. In order 
to obtain  the g ravitational forces, equation (5.1.9) m ust be. evaluated at 
each particle. It is much quicker to in terpolate  a tab le  of values, ra ther 
th an  calculate the functions exp and erf each tim e. Hence the gravitational 
forces were calculated using linear in terpolation  of a  table of values of: 
e x p (—v) / y / v  — y/n/ {2v)  erf (y/v),  where v =  (r,- — Vj)2/ h 2 is regarded as the 
independent variable, so th a t no square root is required to  be taken during 
the force calculations, resulting in a considerable saving of time. Sym m etry 
is used to reduce the num ber of calculations to 0 (N (N -l) /2 ) . A leap-frog 
m ethod was used to  update  the velocities and positions. The tim e step was 
chosen so th a t A t = X m in  [ /i / |v t*| ,s q r t(h /1Ft-1)] w ith A typically 0.3. This 
provides good energy conservation. For example, energy was conserved 
w ithin 0.2% for m odel R l,  described below in section (5.3), which was run
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for 15 free fall times. Models w ith more violent initial collapses had  less 
good energy conservation. The calculation of the self-gravitational forces, 
po ten tia l and density for 300 particles takes CPU seconds for a single 
tim e step. The velocities and positions axe stored every few tim e steps in 
a file for la ter analysis. The use of the leap frog m ethod means th a t the 
calculated particle positions refer to the beginning of a tim e step whilst the 
particle velocities refer to mid-way through a tim e step. For o u tp u t, the 
particle velocities were in terpolated  in tim e so th a t the positions and the 
velocities refer to the same time.
We have shown in chapter 2 th a t 2-body relaxation is unlikely to be 
im portan t during the form ation of galaxies. T hus it is necessary th a t our 
SPH m odels suffer negligible 2-body relaxation. Typical velocity disper­
sions were m uch greater than  the m axim um  velocity th a t two particles can 
generate due to  their m utual gravitation. T hus 2-body relaxation is unlikely 
to  be im portan t. If the impulse approxim ation is used for the transverse ve­
locity induced in a binary encounter, it is easily shown th a t for a Gaussian 
kernel the 2-body relaxation tim e is given by:
(Q uinn 1982), where u is the m ean particle velocity, m  is the particle 
mass, dm ax is the m axim um  im pact param eter and n is the m ean num ber 
density. The function A, given by:
is easily determ ined numerically. Typical values are: A =1.55 for d m ax /h = 5 ,
A =2.25 for d m ax /h= 10 .
For a system  in virial equilibrium  w ith u2 =  kG M /R , it is easily shown
(5.1.18)
(5.1.19)




«  0 ( 10) (5.1.20)
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The tim e for the form ation of a pronounced core-halo struc tu re  due 
to  2-body relaxation effects is 10 ~  20 relaxation times. All models were 
stopped long before this. Hence 2-body relaxation effects are small.
The 2-body relaxation tim e can be estim ated  num erically by:
where Ei, the ra te  of change of the binding energy of particle i, can 
be calculated using term s which depend only on the particle velocities and 
positions (sim ilar to  the N-body case A arseth 1970). For system s in equilib­
rium , produced for instance by the violent relaxation experim ents described 
below, tR agrees very well w ith the relaxation tim e Tr defined above.
5.2 A  K ern el to  R ed u ce  B o u n d a ry  E ffects
So far we have neglected boundary conditions, assum ing th a t the variable 
or the  kernel vanishes on the boundary. For centrally concentrated  d istri­
butions there axe few particles w ithin a sm oothing length of the boundary, 
so th a t this is a reasonable assum ption. For d istributions such as a uniform  
density sphere there are m any particles near the boundary and the non­
zero boundary conditions should be taken into account. This means th a t 
small ex tra  term s should be added to  the sm oothed equation of m otion and 
the sm oothed Poisson equation. In figure (5.2.1a) we com pare the g rav ita­
tional force in the radial direction, for a uniform  density sphere, estim ated 
using equation (5.1.7), w ith the expected sm oothed force, determ ined from 
integrating:
W ith in  a sm oothing length of the boundary, the expected sm oothed
sm oothed Poisson equation, the SPH estim ate is actually  a b e tte r approxi­
m ation to the original unsm oothed force than  it is to the sm ooth expected 
force. The SPH estim ate should approxim ate the sm ooth expected force.
B oundary effect reducing kernels have been used by Coleman (1983) 
and W ood (1981). We shall use however a more self-consistent approach.
(5.1.21)
(5.2.1)
force differs greatly. Due to the neglect of the boundary factors in the
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The idea is to chose a sm oothing function so th a t the sm oothed quantity  
approxim ates the true quan tity  at the boundary as well as everywhere else. 
For the m om ent let us consider variables which are a function of radius only. 
O ur in terpo lation  points or ’particles’ cannot cover all space, they can only 
sam ple out to a m axim um  radius R. It is convenient to  in troduce a new 
sm oothing function by adding an ex tra  term  to the conventional sm oothing 
function given by equation (5.1.1, so tha t:
f s  =  / /  (r') W  (r -  r') dr' +  f { R)  f ° °  W (  r -  r') dr'. (5.2.2)
Jregion J R
T hus for /  =  constant, f s  = / ,  i.e. the expected sm oothed density 
is equal to the true  density for a uniform  sphere. The second term  is 
only im portan t w ithin a sm oothing length of the boundary. For centrally 
concentrated  distributions where f ( R )  is small, the second term  in equation 
(5.2.2) is negligible and there are few particles near the boundary anyway.





If boundary term s are included, the Poisson equation becomes:
V - 5  = 4 ttGPk  +
$ ' ( J 2 ) fT+lVerffcTe r T  h  J  V (5.2.4)
This can be in tegrated , assuming the solution rem ains bounded as r  
oc, to  obtain:
S ( V $ )  =  ( V $ ) ™
$'(/?) erf Y  + R 2 - r :
hR
7*
* ¥ )  -  e r f ( ¥
exp - (^ )2- exp - (^ )2) - ^ exp — R —r +  exp J R +r
(5.2.5)
where ( V ^ ) ^ ^ ,  given by equation (5.1.9) is the norm al SPH approxim a­
tion for the  g ravita tional force. Hence there is an ex tra  force term  due to 
boundary effects.
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The effective potential is found by in tegrating  equation (5.2.5):
(5.2.6)
where is the norm al SPH approxim ation for the g ravita tional potential, 
given by equation (5.1.10) and
$ ' ( / ? ) h (exp-(v) + e x p - ( ^ ? i exp - R - i — exp J
^ W e r f ^  +  erf^+n) + (2 -  +  £  +  rV erf ^  -  erf -  A
(5.2.7)
The additive constant has been chosen so th a t $ b (R) — 0. The effective 
po ten tia l given by equation (5.2.6) is not quite S(<$) due to the inclusion 
of boundary  term s..
If it is assum ed th a t <$' (R)  = G M / R 2, $ b can obviously be calculated 
if R  is known. R  was chosen so th a t R  =  ch where c is a constant depending 
upon the initial d istribution. The forces due to  varying h were modified to 
include term s involving and in equation (5.1.16).
In Figure (5.2.1b) we com pare the true grav ita tional force in the radial 
direction for a uniform  density sphere, w ith the SPH estim ate obtained 
from equation (5.2.5) including boundary term s. Forces due to varying h 
and R  have been included. It is seen th a t a very good estim ate is obtained, 
except in the very outerm ost region where the expected sm ooth force differs 
from  the true  force. The addition of <£# to the po ten tia l estim ate also leads 
to a b e tte r estim ate of the true  potential energy. It is shown in the next 
section th a t the inclusion of the boundary term s results in a m uch b e tte r 
estim ate for the density evolution of a uniform density sphere undergoing 
a free-fall collapse. The calculation of the ex tra  boundary term s obviously 
involves very little  com puter time. For these reasons boundary term s were 
included as described above for any distribution  not so aspherical th a t the 
above approxim ations become invalid.
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5.3 Tests of SPH
The pressureless collapse of a uniform  self-gravitating sphere is a good test 
of the ability  of SPH to handle g ravitation  correctly. The solution, given 
by H unter (1962), shows th a t the collapse is homologous, w ith all particles 
reaching the centre a t the free-fall tim e t f f  = tc y f i f  where we have used 
un its for which G M =1, and R  is the m axim um  radius of the initial config­
uration . The density d istribution  at tim e t is obviously sensitive to errors 
in the initial conditions. Figure (5.3.1a) shows the SPH density estim ate 
sam pled along an axis, at tim e t — .8982//, com pared to the sm oothed an­
alytical density expected. The forces due to varying the sm oothing length 
have been included, using equation (5.1.12), bu t no boundary term s have 
been included. Figure (5.3.2b) shows the corresponding radial velocity dis­
tribu tion , sam pled at each particle, com pared to  the unsm oothed expected 
radial velocity d istribution. The to ta l energy was conserved w ith in  0.5%. 
The sm oothing length was initially .15 R  bu t declined by a factor of 3 by the 
tim e t =  .898t f f .  Figure (5.3.1b) shows the SPH estim ate for the same den­
sity d istribution  when the boundary term s given by equation (5.2.5) have 
been included in the force equation. Figure (5.3.2b) gives the correspond­
ing radial velocity distribution, sam pled at each particle. The inclusion 
of the boundary term s obviously leads to a b e tte r density estim ate. In 
fact the SPH estim ate obtained w ithout using the boundary term s gives a 
reasonable estim ate to the density d istribution  at tim e t =  0.904t f f .  The 
inclusion of the boundary term s also gives a b e tte r estim ate of the velocity 
d istribution , especially in the outer regions.
Violent relaxation is a process which m ay be im portan t for the system 
of cold cloudlets if s ta r form ation occurs early on so th a t dissipation effects 
are small. Violent relaxation occurs when a system  is initially out of equi­
librium . The system  suffers a large fluctuation in its g ravita tional field and 
the binding energies of individual particles are not conserved. The system  
then  settles down after a few free-fall tim es in to  a relaxed system  in virial 
equilibrium . Clearly the more out of equilibrium  the system  is initially, 
the more effective the relaxation. Lynden-Bell (1967) applied statistical 
m echanical m ethods to determ ine the most probable equilibrium  configu­
ra tion  of the system . Henon (1964) and G ott (1973) used axisym m etric
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num erical m ethods to show th a t the relaxation was incom plete and th a t 
the density falls off rapidly as p ä  r~4 in the outer regions. G ott (1975) 
included the effects of the infall of stellar m aterial from outside the system 
and showed th a t this results in a less steep density gradient in the outer 
regions. Dekel, K owitt and Shaham  (1981) showed th a t this secondary in­
fall is likely to  be too efficient, resulting in density profiles p «  r -2 . It has
been found recently, (e.g. van A ibada 1982, M cGlynn 1984 and Villumsen
r
1984) th a t system s w ith larger collapse factors, i.e. s tarting  fom very cold 
in itial conditions, or very clumpy initial conditions, collapse to form sys­
tem s which resem ble elliptical galaxies, w ith a density d istribution  closer 
to  the  Hubble profile p «  r~ 3 w ithout invoking infall. Most of the above 
authors use m ethods which m ay have num erical problem s, such as 2-body 
relaxation or assum ed sym m etries. We shall use SPH techniques to  inves­
tigate  the violent relaxation process and to produce system s in equilibrium  
which can be used as the starting  point for o ther models.
As in N-body problems where a softening param eter is used, the virial 
is modified and is not given by just the po ten tia l energy. For a Gaussian 
kernel:
2 T  =  virial
=  £ m , - (  r - V $ )
=  - H  -  G M K h 2p + ~ ^ —T (5.3.1)
y /TZhN
where
?  =  (5-3.2)
This m ust be modified of course if boundary effects are included.
The initial param eters of the models are shown in table (5.3.1). Model 
R1 corresponds to  G o tt’s (1973) model I. All m odels s ta rted  as a uniform 
density sphere, using 300 particles, w ith the initial velocity d istribution  ap­
proxim ately M axwellian and isotropic. The evolution of the kinetic energy 
is shown in figure (5.3.3). It is seen th a t after the initial collapse the system 
rapidly reaches an equilibrium  sta te  w ith small fluctuations. O ther dynam ­
ical variables (e.g. h and the half-mass radius) show the same qualitative
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Table (5.3.1)
Initial param eters of violent relaxation models.





(1) m odel nam e
(2) corresponding model of van A lbada (1982)
Table 5.3.2
Param eters of equilibrium  models
model h / R o P f / P o ^hm /  R q A m /m
R1 5.0 1.7 0.77 0%
R2 0.13 14.6 0.37 0%
R3 0.1 50. 0.24 16%
R4 0.055 316. 0.12 23%
evolution. Various param eters of the equilibrium  d istribu tion  are shown in 
table (5.3.2). The central densities are in general less th an  those obtained 
by van A lbada (1982). This is to be expected because, as m entioned above, 
the SPH m ethod sm ooths out the density d istribution  w ithin h of the cen­
tre. If the expansion m ethod, m entioned above, is used to determ ine the 
unsm oothed central density, the results agree w ithin 5%. The half-mass 
radii, also shown in table (5.3.2) are in good agreem ent w ith van A lbada’s 
estim ates. Models w ith a large collapse factor, such as model R4, stre tch  
the SPH m ethod to the lim it, w ith energy conserved only to  w ithin 10%. 
A repeat of model R4 w ith 1000 particles and hence a smaller sm oothing 
length, produced a central density larger by a factor of % 2, but the same 
mass loss. The mass loss caused by particles escaping the  system  is shown 
in table (5.3.2). The mass loss for model R3 agrees very well w ith the cor­
responding m odel of van A lbada (1982) whilst the mass loss for model R4 
of 23% com pares w ith the 33% obtained by van A lbada (1982).
SPH is not very good at modelling the density d istribution  in the  outer
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regions. The SPH density estim ate in the outer regions is to a large degree 
determ ined by the sm oothing function, so th a t an expansion m ethod similar 
to  th a t used for the central regions doesn’t work. There are also problems 
caused by asphericity.
We have successfully applied SPH to an num ber of simple problems: the 
pressureless collapse of a self-gravitating sphere and the relaxation of a 
self-gravitating sphere initially out of equilibrium . We have shown th a t the 




a) Exam ple of the use of ’cooling’ to remove initial fluctuations. The 
unbroken line denotes the expected sm oothed density, given by equation 
(5.1.13) for a  uniform  sphere.. The do tted  line denotes the SPH estim ate, 
sam pled along the  X-axis, for the initial random  distribution, w ith h= .15 
R, N =1000. The densities have been norm alised so th a t ps(0) =  1 , and 
the  radii have been norm alised by the radius of the boundary of the initial 
distribution.
b) The same as the  above, except th a t the do tted  line denotes the SPH 











The unbroken line denotes the expected sm oothed density d istribution 
for a  uniform  sphere, given by equation (5.1.13). The dots represent the 
SPH estim ate, sam pled at each particle w ith N =1000, h= .15  R.
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Com parison of the SPH estim ate of the pressure force for a sphere w ith 
a G aussian density d istribution , w ith the tru e  pressure force.
The dots denote the SPH estim ate w ith h= .09R , N=1000 
The unbroken line denotes the true radial pressure force for the density 
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Figure 5.2.1
a) The self-gravitating force/unit mass in the radial direction, for a 
uniform  density sphere is obviously given by: —r, in units where GM = 
R = 1. This force, denoted by the lower line, is com pared w ith the SPH 
estim ates:
dots: SPH estim ate  for 1000 particles, h= .15  R, obtained from equation 
(5.1.9), bu t also including a small ex tra  contribution due to varying h.
upper line: expected sm oothed force, obtained from in tegrating  equa­
tion (5.2.1).
b) As for figure (5.2.1a), except th a t the dots denote the SPH estim ate 
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Figure 5.3.1
a) Com parison of the expected sm oothed density w ith the SPH esti­
m ate  for a uniform  sphere in free-fall a t tim e t =  .8982// when the density 
has increased by «  20. The unbroken line denotes the sm oothed density 
ps(r). The broken line denotes the SPH estim ate, obtained using a vari­
able h (h=0.05 at t =  .8982//) and  1000 particles. The densities have been 
norm alised so th a t ps (0) =  1 and the radii have been norm alised by the 
m axim um  radius of the initial configuration.
b) The same as the above, except th a t boundary term s were included 
















a) Com parison of velocities of a uniform  density sphere in free-fall, at 
tim e t =  .898tfj.  The dots denote the radial velocity of each particle for a 
m odel axe the boundary  term s in the force estim ate were neglected, w ith 
the same param eters as those used to obtain  the results shown in Figure 
(5.3.1a). The unbroken line denotes the unsm oothed expected analytical 
radial velocity. The radii have norm alised by the expected m axim um  radius 
of the current configuration. The velocities have been norm alised by the 
expected unsm oothed velocity at the boundary.
b) The same as the  above, except th a t the boundary term s were included 
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Figure 5.3.3
The evolution of the kinetic energy of systems with various initial 2T/Cl 
collapsing under their own gravitation with no dissipation. a)2T/Q = 1. 
b)2T/Ü = 0.5 c)2T/Q = 0.2 d)2T/Q = 0.1
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6.1 D i s s i p a t i o n a l  C o l l a p s e
It was shown in chapter 4 th a t the collision time for the system  of cloudlets 
is comparable to the free-fall time. The effects of collisions are investigated 
fu rther here. The collision time for a cloudlet is given by:
tco ll --
Mel
crp < V  >
( 6 . 1. 1)
where M c/ is the mass of a cloudlet, assuming all 
cloudlets have the same mass, o is the cross-sectional area for a collision, 
p is the density of gaseous cloudlets, and < v > is the velocity dispersion. 
Now
a m 7rR2cl
and for a system with a negligible hot phase
pm ii G Mci
Rä — 3 kTr
Jean ’s equation, see equation (2.3.2). Hence the ratio 
of the collision time to the free-fall time is given by:
t c o l l
h i
= ( 3kTcl y / 
\7Tp m HG)  V
8 G M g 1
( 6 . 1-2 )Rg pMcl <  V >
Since p and < v > are independent of the cloudlet mass M c/, this means that 
the collision tim e increases as the cloudlet mass decreases, or equivalently, 
collisions become more im portant as the num ber of cloudlets decrease for 
a galaxy of a given size and mass.
The volume filling factor is given by:
' - ( m (6L31
Thus the volume filling factor increases as the cloudlet mass increases or as 
the num ber of cloudlets decreases for a galaxy of fixed size and mass. For 
the cloudlet model to be a good approxim ation f v < <  1. For a uniform 
density system:
f v = 9.2 x 10~6b f ' T ' 1”  (6.1.4)
Hence for Tc/4 =  M gioo =  R gioo =  1 the cloudlet mass m ust be < 3x  108A/q .
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There are m any ways of estim ating the local m ean velocity using SPH 
techniques. I used:
V« =  — vjW (r* “  rj) (6.1.5)
P i  J
chosen because if all particles have the same velocity, v,, vsl- = vt- irrespec­
tive of the density distribution.
The collision time for each particle can be found from equation (6.1.1), 
calculating < v > for each particle via equation (6.1.5). For the following 
models it was assumed that the cloud radii are constant and th a t the cloud 
tem peratures are the same throughout the system  so tha t all the clouds 
also have the same radii. To aid com putational simplicity the to ta l density, 
gas and stars, was used to determine tcou. This means th a t tcou is underes­
tim ated  and hence the im portance of collisions is overestim ated once star 
form ation gets underway. If only gas particles are used, the results will 
become unreliable anyway as the num ber of gaseous cloudlets decreases. 
A M onte-Carlo random num ber selector was used at each tim e step, A t, 
to determ ine whether a cloud suffers a collision or not, with probability  
A t / t cou. If a collision occurs, it is assumed th a t the collision is inelastic, so:
Vneu; =  \  (v +  V3) . (6.1.6)
A small correction is made to the velocities of all the particles so th a t the 
center of mass position is preserved. If a large num ber of particles suffer a 
collision at each timestep, this scheme may lead to erroneous results. This 
can be checked by running models with smaller tim esteps.
S tar form ation is assumed to occur as the result of collisions between 
gaseous cloudlets. Particles are flagged as either ’gas’ or ’s ta rs ’. Only ’gas’ 
particles suffer collisions and the subsequent dissipation. If a gas particle 
suffers a collision, it is given a probability esj  of undergoing s tar form ation 
and hence turning into a star particle. Thus there is no a ttem p t to create 
new cloudlets, and star formation occurs with an efficiency of 100% within 
a cloud. As discussed in chapter 4, star form ation m ust be highly efficient 
w ithin a cloud in order for the cloud to rem ain bound.
The models were initially uniform density spheres, with a Gaussian 
velocity distribution, with 2 T / W  =  —0.5, 300 particles, and a sm ooth­
ing length which varies with time according to equation (5.1.16), and no
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rotation. The results are not sensitive to the nature of the initial condi­
tions, dissipation soon wipes out the memory of the initial s tate  of the 
system. The param eters in equation (6.1.2) were chosen so tha t initially 
t c o i i / t f j  — 17.0. This is equivalent to M ci — 4 x 10' M© for a system with 
R g =  100 kpc and M q =  1012M©. This value of the collision tim e was 
chosen so th a t initially dissipation is unim portant, bu t it rapidly becomes 
a dom inant factor as the collapse proceeds.
If the system  is purely stellar, there is no dissipation and the system 
collapses because it is not in virial equilibrium, and eventually reaches a re­
laxed configuration. The amount of collapse depends only upon the initial 
T / W . A system  which is initially gaseous collapses to a smaller volume due 
to dissipation. In fact , if there is no star form ation the system will try  to 
collapse to a point w ithin ~  1.5t j j .  The mean internal density of ellipticals 
is about 1000 times greater than that predicted by the clustering correla­
tion function (E fstathiou et al. 1979). This can be in terpreted  as indicating 
a collapse factor of about 10 in radius. For the param eters above, this is 
consistent with an star formation efficiency of about 50%. As discussed in 
chapter 5, the central density determined by SPH m ethods is an underes­
tim ate. The radius containing half the mass of the system , the half-mass 
radius, is a b e tte r param eter to use. The value 0.42, in units where the 
initial radius is 1, obtained for the half-mass radius of the relaxed configu­
ration  of a model which has collapsed without dissipation from a uniform 
density sphere w ith 2 T / W  = —0.5, agrees well with th a t obtained by van 
A lbada (1982). Figure (6.1.1) shows the half-mass radius at equilibrium as 
a function of the s tar formation efficiency. It is seen th a t there is almost 
a stra igh t line relationship. Figure (6.1.2) shows the evolution of the half­
mass radius at equilibrium for a model with no dissipation, a model with 
esj = 1.0 and a model with esj =  0.3.
S tar form ation occurs preferentially in the innerm ost regions, as central 
particles are most likely to undergo collisions. Particles far from the center 
do not suffer any collisions, they remain gaseous but act like point masses 
because they do not suffer any dissipation. The ’s ta r1 particles form a far 
more centrally condensed distribution, compared to the ’gas’ particles. The 
models have about 10% of their mass which remains in this gaseous halo 
throughout their evolution. To aid com putational speed, star form ation
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and dissipation can be deemed to have finished when < 10% of the particles 
are ’gas’ particles. Figure (6.1.3) shows the evolution of the percentage of 
gaseous cloudlets for various star form ation efficiencies. Initially there is 
little s tar formation. As the system collapses the velocity dispersion and 
density increase; hence the collision tim e decreases and a burst of star 
form ation occurs. It is seen tha t star form ation is effectively completed by 
1.5 free-fall times, no m atte r what the efficiency is. The system  then forms a 
relaxed configuration.The am ount of collapse is determ ined by the am ount 
of dissipation suffered by each particle. Figure (6.1.4) shows snapshots at 
different times during the collapse of a model with esj  — 0.5, looking down 
an axis.
Once the system has relaxed, systems at different times can all be re­
garded as samples of the relaxed distribution. Thus system s at different 
times can be added together to form a larger distribution and the param ­
eters of such a distribution can be determ ined with more accuracy. Figure 
(6.1.5) shows the density distribution along an axis for the esj = 0.5 model 
( model D l), determ ined using this m ethod. It is seen th a t p ~  r~‘x in 
the outer regions. This is steeper than  the generally observed density dis­
tributions of ellipiticals, p ~  r~3. However, as discussed in the previous 
chapter, the numerical m ethod overestim ates the density gradient in the 
outer regions.
W hat happens to a subsystem of cloudlets, which have undergone star 
formation before the system collapses? This may have some bearing on the 
globular cluster distribution. A model was run in which a subsystem  of 
300 ’stellar’ particles undergoes collapse under its own self-gravity and the 
gravity of 300 particles which are initially gaseous as above. The stellar 
subsystem is assumed to be massless in comparison to the gaseous system, 
so the gaseous system evolves exactly as the model above (see figure 6.1.4 
). Both systems have the same initial conditions. Figure (6.1.6) compares 
the evolution of the half mass radius of the two systems. It is seen tha t the 
stellar system rem ains more diffuse and less centrally concentrated.
A convenient dimensionless param eter which m easures the am ount of 
angular m om entum  of a system, is the spin param eter of Peebles (1969):
. _  J | £ | 0 -5
GA / 2 -5
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where J  is the to ta l angular m om entum  of the sys­
tem  and E  is the to tal energy, A «  0.05 for ellipticals, ~  0.45 for 
disks. Tidal torque theory predicts th a t A ~  0.05 ±  0.03. Figure (6.1.7) 
shows snapshots of the evolution of the collapse of a system which is ini­
tially a uniform density sphere, with solid body ro tation , 2Trol/ W  = —0.33, 
A =  0.1S, 2Tran/ W  =  —0.33, and esj  =  0.5 (model D2). This system has 
more ro tational energy than a real protogalaxy would be expected to have, 
but it illustrates the effects of rotation on the collapse. The collapse is 
predom inately in the z direction, since the system  is rotationally  supported 
in the xy direction. S tar form ation occurs in a burst once particles hit the 
plane. The system  then relaxes to form a thick disk. There is no dark m at­
ter and the system  is unstable to bar form ation. Figure (6.1.S) shows the 
averaged density in the plane z — 0. It is seen th a t the density distribution 
is exponential over much of the disk.
To investigate the effects of a dark halo, a model was run with 600 par­
ticles and the same param eters as above except th a t the first 300 particles 
were designated as stellar i.e. a dark halo, which collapses due to self­
gravitation and the gravitational force of the ’norm al1 m atter, and which 
contains 50% of the mass of the whole system. The rest of the particles 
were designated as initially gaseous, and collapse dissipationally, undergo­
ing star form ation as above. Both systems had the same initial conditions 
as model D2. The stellar particles formed a rotationally  flattened halo, 
w ith a density d istribution p ~  r~4. The gaseous particles formed a thick 
disk similar to model D2, except slightly more flattened and compact. The 
system is still unstable to bar formation.
6.2 M u lt ip h a s e  C o llap se
We have shown in previous chapters tha t the early evolution of the proto­
galaxy is likely to lead to a two-phase system: hot, diffuse gas surrounding 
a cool dense phase which is in the form of cloudlets. In this section the 
dynam ical evolution of such a system is investigated using SPH techniques. 
The results are com pared w ith the observational constraints and results of 
o ther models, discussed in chapter 1.
The particles were divided into two groups: (1) the ’cold’ phase, acted
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upon by its self-gravity and drag, and (2) the ’h o t’ phase acted upon by 
pressure forces and the grav ita tion  of the cold phase. In order tha t a 
reasonable num ber of particles could be used the self-gravitation of the hot 
phase was not taken into account. In the cases considered below, the total 
mass of the hot phase is much less than  tha t of the cold phase, so this is 
a good approxim ation. A massive hot phase would be more likely to be 
removed in a galactic wind. For simplicity the same sm oothing length was 
used for both phases. This m ay lead to some errors if the two phases have 
wildly different density distributions.
The model is only applicable if the cloudlets occupy a small fraction of 
the volume of the protogalaxy. The calculations described below had an 
initial cloudlet volume filling factor < 10~3. The cloudlet volume filling 
factor decreases as the system  evolves and star form ation takes place.
The drag force acting upon a cold cloudlet, caused by its m otion through 
the hot medium, is given by:
Fd — —C'd^PH R-clVrelVrel 6.2.1
where v re/ is the relative velocity between the two phases. The drag coeffi­
cient Cp  is actually a complex function of velocity and Reynolds num ber, 
but for the accuracy required here it can be regarded as a constant. Exper­
im ents show th a t C'd ~  *2 for velocities near the sound speed. The cloud 
radius can be determ ined as a function of TC/,M C/, and Tjc from equation 
(2.3.1), if the cloud is assumed to be in equilibrium. It can be shown that 
accretion of hot gas by the cloudlets, and the consequent transfer of mo­
m entum , can be neglected as a first approxim ation. The geometrical drag 
force given by equation (6.2.1) is much larger than  the gravitational drag, 
for cloudlets of the size range given by equation (2.3.1).
Since the drag force is a function of velocity, it is necessary to know the 
velocity at the same time as the forces and particle positions. The use of the 
leap frog m ethod means th a t the calculated particle positions refer to the 
beginning of a time step whilst the particle velocities lag half a time step 
behind. An iterative m ethod was used to estim ate the velocity dependent 
force and hence the velocity of each particle at the beginning of a tim e step. 
This m ethod was tested on the differential equation: y" — y/'l  — y '^/y, with 
the initial conditions: y(0) =  1, y'(0) =  0.05, comparing the numerical
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solution with the analytical solution y{t ) =  et/ 2. The m ethod gave very 
good results: accurate w ithin 0.04% for t < 6! To ensure th a t ringing was 
not a problem, some of the models described below were repeated  w ith a 
smaller tim estep, this made very little difference to the results. It is also 
necessary to know the velocity of the hot phase at each cold phase particle. 
This velocity was approxim ated by the corresponding sm oothed velocity. 
The effective drag cross-section was estim ated for each cold particle with 
the aid of equation (2.3.1).
The use of the boundary effect reducing kernel introduced in section 5.3 
gives rise to ex tra  terms in the estim ation of the pressure force. There are 
many m ethods which can be used to estim ate the pressure force. I have 
investigated a num ber of these m ethods and the following m ethod seems to 
give the best results in a variety of situations. Now
For an isothermal gas,
s( — ) « sjyp)
P )  P S
5 (V P ) =  c ) j S{VP)
A'(Vp) +  B(r)p ' (R)




B(r)  = [  W  (r — r') r' dr'
J r > R
s CH
Ps(rj)
Y / V iW(r i - r j ) + 2 aV j )pW ~ ,2 B (ri)p’(.R) 
C" ps(fj) H ps(r
(6.2.3)
where
A(r)  = [  W  (r -  r') dr'
J r > R
and we have assumed tha t p is a function of r  only, near the bound­
ary. The functions A(r)  and B[r)  can be calculated explicitly if the outer 
boundary R  is known.
The quantities p(R)  and p \ R )  can be approxim ated by their 'sm oothed ' 
equivalents ps{R)  an(f Ps(R)  respectively. It is to be noted th a t equation 
(6.2.3) is not symmetric in r,, r; , (unlike the situation  for a kernel th a t 
does not include boundary effects, as given in equation 5.1.12) so linear
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m om entum  is only approxim ately conserved. A small correction term  is 
applied to preserve the position of the center of mass.
Thus there are two approxim ations involved in estim ating the force due 
to pressure: replacing quantities by their sm oothed equivalents, as in equa­
tion (6.2.2) and replacing the integral by its M onte Carlo approxim ation 
as in equation (6.2.3). To investigate the effects of the first approxim ation, 
the density and self-gravitational force are calculated for an isotherm al self- 
gravitating sphere in equilibrium (i.e. its gravitational and pressure forces 
are equal but opposite). This is a good test because the system is very 
sensitive to small changes in sound speed and boundary conditions. Wood 
(19S1) used this configuration to test his code. The system is stable if the 
sound speed is greater than  ccr:t where
c l u  = 0 .3 9 7^ 1 . (6.2.4)
The density and force distributions can easily be determ ined and hence 
the corresponding expected sm oothed quantities can be determ ined by in­
tegrating:
A '( /( r) )  =  [  W ( r  -  r ' ) f (r' )  dr ' (6.2.5)
J r < R
and
K ( V f ) =  f  VW(  — r ' ) / ( r ')  d r'. (6.2.6)
J r<_R
Figure 6.2.1 shows the ’tru e1 density of a system in equilibrium with sound 
speed c2 =  1.274 c2rt0 compared with the sm oothed expected density ob­
tained by integrating equation (6.2.5) numerically with a smoothing length 
h = 0.17 R.  Figure (6.2.1) also shows the sm oothed density when the 
boundary term s are included, as given in equation (5.2.2). As expected, 
the smoothed density d istribution differs slightly from the ’tru e ’ density, 
especially near the centre. W hat difference will this make to the smoothed 
pressure force, obtained from equation (6.2.2)? Figure (6.2.2) shows the 
’tru e 1 gravitational force compared with the sm oothed pressure force, cal­
culated by replacing p by px  and then calculating the integral in equation 
(6.2.6) numerically, for the case when no boundary terms are included. 
As expected the results are unacceptable, especially within two smoothing 
lengths of the boundary. Figure (6.2.3) shows the results when boundary 
term s are included, as detailed above in equation (6.2.3), to obtain  the
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second term  in equation (6.2.2). It is seen tha t a much be tte r result is 
achieved. Thus boundary term s should be included when calculating the 
pressure force. The true pressure force can be smoothed to obtain the first 
term  in equation (6.2.2). The result shows tha t in this case the approxi­
m ation in equation (6.2.2) is very good.
In order to test the effects of the second approxim ation, an SPH model 
was run for an isothermal self-gravitating sphere, with the same sound speed 
as above, with heavy damping, a fixed boundary and a constant sm oothing 
length h = 0.17R, for a system of 300 particles, including the boundary 
term s given in equations (5.2.5) and (6.2.3) for both  the self-gravitation and 
the pressure forces. The system initially had a uniform density distribution. 
The system  rapidly reached equilibrium if the boundary term s are included 
as in equation (6.2.3). If the boundary term s are not included equilibrium  
is not reached and the system expands forever. Figure (6.2.4 a,b) show 
the SPH estim ates of the density and force distributions once equilibrium  
was reached, compared to the sm oothed expected distributions. It can be 
seen th a t reasonable agreement is obtained, except in the outerm ost regions 
where there aren’t any particle The SPH density estim ate lies betw een the 
true density and the sm oothed expected density.
In order to test the numerical scheme, a model was run evolving only the 
hot phase, with heavy damping and c// =  \JGMg/ R g, until equilibrium  was 
reached, keeping the cold phase constant with a r -2 density distribution. 
Irrespective of its initial conditions, the hot phase rapidly approached hy­
drostatic  equilibrium and the density distribution given by equation (3.4.2). 
It is easily shown theoretically th a t if there is no damping, a small p e rtu r­
bation will grow exponentially. In practice this means tha t the system  
fluctuates rapidly if the damping term  is removed and the evolution of the 
system  is then allowed to continue. Thus the system is unstable. Hence it 
is b e tte r to have both  phases initially with the same density distribution, 
as one would expect if they came from the same initial population.
The collapse of an isotherm al sphere was also followed, and good agree­
m ent w ith the sim ilarity solution (equation 2.2.3) was obtained after ~  1.1 
free-fall times for a model with the sound speed c// =  0 .8ccrit. A cloud 
which is initially ro tating uniformly, collapses axisym metrically preserving 
its specific angular mom entum .
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In section 4.3 it was argued that cloudlets are polluted by the supernovae 
shells im bedded in the intercloud medium. It is assumed here th a t the the 
am ount of m etals accreted by each cloudlet each time step is given by:
Z ~  ß R 2clpHv
The collapse of a spherically symmetric, non-rotating, collisionless two 
phase model is investigated first. It was assumed th a t the hot phase con­
tained 1% of the mass of the total system. Both phases initially had uniform 
densities, and the hot phase was given the sound speed: c /^ =  J G M q j R g - 
The cold system  initially had a random Maxwellian isotropic velocity dis­
tribu tion  w ith 2T / W  =  0.5. The hot phase was given the same velocity 
distribution. The results are shown in figure (6.2.1), using 300 particles 
for each phase, and a variable smoothing length. The dynamical evolution 
of the cold phase must be compared to the simple gravitational collapse 
of a system  w ith the same initial conditions (i.e. model R2 in chapter 5). 
It is seen from figure (6.2.5) that the differences are quite small, the two- 
phase model has a smaller collapse factor, because some of the energy of 
the hot-phase has been transferred to the cold system.
Figure (6.2.6) shows the chemical abundance of the system once the 
system  has reached equilibrium. It is seen th a t although there is a fairly 
large spread of chemical abundance at any given radius in the halo, a def­
inite abundance gradient develops. The large spread of abundance at any 
given galacto-centric radius is characteristic of such models where cloudlets 
w ith approxim ately the same galacto-centric radii may have quite differ­
ent dynam ical histories and hence different abundances. The abundance 
gradient develops in the following manner: cold cloudlets moving in circu­
lar orbits far from the protogalactic plane see little  hot m atter and hence 
rem ain largely unaffected, whilst cloudlets closer to the center see more 
of the centrally concentrated hot phase and hence become polluted. The 
size of the gradient depends greatly on the details of the supernova shell- 
cloudlet interaction. It can easily be shown however th a t a cloudlet can be 
polluted and its m etallicity significantly enhanced without gaining much 
mass. Hence this gradient will be significant.
A naive application of the above pollution idea would suggest tha t the 
globular clusters should have a mass-metallicity relationship, which is not
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observed. Since it can be shown tha t a cloudlet can become significantly 
polluted and become m etal rich without gaining much mass such an effect 
would be quite small. The globular clusters seen today may be only the 
survivors of a much larger population, and these survivors may not be a 
representative sample of the initial distribution. Also, if the cloudlets had a 
mass gradient as suggested by equation (2.3.5), we would not expect such a 
relationship to hold. The present cluster radius may have little  relationship 
to the radius of the original cloudlet before significant s tar form ation takes 
place. Mass-loss occurring as a result of the s tar form ation can radically 
alter the radius. Tidal stripping as the cluster approaches the disk can 
also have a large effect. The present galactocentric distance is not a good 
representation of the true size of the cluster’s orbit, since the orbits are 
eccentric. There is some evidence tha t clusters in the Galaxy and M31 
have an eccentricity-m etallicity relationship, in the sense th a t the most 
m etal weak clusters have the least eqcentric orbits (Freem an 19S3). This is 
in agreement with the above scenario.
The collapse of a dissipational non-rotating twophase system is inves­
tigated next. The cold phase had the same initial conditions as the single 
phase model D l. The hot phase had the same initial density and velocity 
distributions as the cold phase, with a sound speed of c// =  >Jo .3 G M g / R g 
and contained 1.0% of the mass of the system. The sound speed corresponds 
to a tem perature of I0h K  for M e n  — R-gioo =  1 (see chapter 2). Figure 
(6.2.7) compares the evolution of the half-mass radius of the cold phase 
with th a t of the single phase model D l. It is seen th a t the twophase model 
remains more diffuse, due to increased star form ation during the collapse. 
The abundance distribution was similar to the dissipationless model.
The collapse of a ro tating dissipational twophase system  is investigated 
next. The cold phase was given the same initial conditions as the single 
phase model D2. The hot phase again had the same initial conditions as the 
cold phase, a sound speed of c# — \J0.3GMg/ R g and contained 1% of the 
mass of the system. Figure (6.2.8) shows snapshots of the evolution of the 
cold phase. The density distribution is in general similar to the single phase 
model, except tha t it is more diffuse. The abundance distribution in the 
disk was similar to the radial abundance distribution in the non-rotating 
model. There was no significant abundance gradient perpendicular to the
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disk. A num ber of models were run with an increased dissipation rate, by 
lowering the s ta r form ation ra te  and also by lowering the collision time. 
Models were also run with smaller initial random  motions. A lthough a 
more pronounced disk was formed in these models none of them produced 
a significant th in  disk.
6.3 C o n c lu s io n s
There are a num ber of extensions and improvements which could be made 
to the above models. These include:
(1) the use of an improved s tar form ation law- perhaps based on the law 
suggested by D opita (19S5).
(2) treatm ent of mass exchange between the two phases
(3) more particles, which means tha t a smaller smoothing length could 
be used, and hence higher resolution achieved, and also small num ber effects 
are minimised
(4) a more comprehensive investigation of param eter space.
We have shown th a t the collapse of a protogalaxy must have been quite 
inhomogeneous, and tha t the protogalaxy can be regarded as a  system 
of dense cloudlets. The existence of an abundance gradient for Galactic 
globular clusters indicates th a t in general they remained gaseous until after 
the collapse to form the Galaxy had taken place. Star formation occurring 
in these cloudlets creates a m ultiphase medium, consisting of:
a ) cloucllets in which s tar form ation takes place,
b ) chemically enriched supernova shells which pollute the cloudlets and
c) hot diffuse gas; the products of mass-loss and supernovae, which forms 
a hot gaseous halo.
Most of the cold cloudlets are disrupted by internal star form ation and 
tidal dissipation, and are converted into the stellar halo population. The 
survivors form the globular clusters.
We have investigated the effects of a sudden burst of star form ation in 
a cloudlet and shown th a t it may provide a significant source of mass and 
energy to to the hot intercloud medium.
In chapter 4 the effects of the m otion of the cloudlets through the hot 
phase are investigated. It is shown that the drag force due to this m otion
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may be im portan t for the dynamics of the cloudlet system.
In chapter 5 a basic introduction to SPH is given, followed by an ex­
planation of the modifications I have made to improve the method. A new 
kernel is introduced which significantly reduces boundary effects, which is 
especially im portan t if relatively few particles are used with a correspond­
ingly large smoothing length. The m ethod is then tested by studying sev­
eral interesting problems which have been investigated by other authors. 
These problems include the free collapse of a dissipationless system, and 
the relaxation of a dissipationless system. All models are in agreement with 
previous results.
We have investigated the dynamical evolution of a simplified system  
using SPH techniques and a simple trea tm ent of cloud collisions. For a 
restricted  range of initial conditions a disk may form, which has an abun­
dance gradient before significant star form ation takes place in it. Hence the 
G-dw arf problem in the solar neighbourhood, and the problems most infall 
models have in obtaining a steep enough abundance gradient to conform to 
the observations, are resolved naturally by this model. The halo develops 
a large spread of m etallicity at any given radius, and this also seems to 
be borne out by observations. Low mass galaxies are unable to retain  a 
sizeable hot gaseous halo and most of the gas is expelled in a galactic wind. 
This is consistent with the observed low m etallicity of dwarf galaxies and 
dw arf spheroidal systems. Larger galaxies are able to retain  a higher den­
sity hot phase, hence the observed lum inosity-m etallicity correlation seen in 
ellipticals is easily accounted for. For the same reason we would expect th a t 
globular clusters associated with more massive galaxies would have higher 
m etallicities on average than  those associated with less massive systems.
According to equation (2.3.5), cloudlets closer to the galactic centre 
are likely to undergo collapse and star form ation earlier than the outlying 
cloudlets. There is some evidence the innerm ost globular clusters are older 
than  the outer clusters, in agreement with this (see chapter 1). The second 
param eter effect increases with galactic distance, suggesting tha t outer halo 
clusters may have formed later, and over a longer period.
The dark halo can be accommodated as stellar rem nants from an early 
burst of s tar formation. We have carried out simple investigations into the 
dynam ical effects of such a component. M any other models have difficulty
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reconciling this idea w ith the low m etallicity of halo field stars and globular 
clusters, as they predict too high a metallicity. This model does not have 
the same problem, due to the inefficiency of the pollution mechanism.
These models do not produce a thin disk. This is because second genera­
tion star form ation and the accompanying gas dynam ics are not considered. 
Thus in this model the thick disk is formed first and the thin disk is formed 
later by subsequent s ta r formation and further gas dissipation. The for­
m ation of a th in  disk is favoured by increased dissipation and a lower star 
form ation ra te  during the collapse. The increased dissipation is due to a 
lower effective s tar form ation ra te  per collision. This is probably due to 
cloudlets having different am ounts of stellar m aterial present before colli­
sions take place, ra th e r than any inherent difference in collision dynamics.
W ith a simple prescription for dissipation and s ta r formation, systems 
similar to ellipticals can be formed.
A twophase model has been developed in which a radial abundance 
gradient is formed.




The half-mass radius at equilibrium is shown as a function of the effi­
ciency of s tar form ation. The half-mass radius is in units where the radius 













The evolution of the half-mass radius is shown for a model w ith
(1) ea f = 0 . 3
(2) esJ =  1.0
(3) no dissipation.
The time is in units of the free-fall tim e and the radius is in units where














The evolution of the percentage of clouds which are gaseous is shown
(1) e3 f =  0.3
(2) esf  =  0.5
(3) esf  =  1.0 .
The time is in units of the free-fall time.
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Snapshots, looking down the z-axis, of the collapse of a model with 
esj  =  0.5. The tim e is in units of the free-fall time.
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Figure (6.1.5)
The density d istribution along an axis, for the e s j  —  0.5 model after 




















The evolution of the half mass radius is shown for:
a ) the dissipational collapse of a system with 2Tran/ W  =  .5, esj =  0.5 
and
b ) a stellar sub-system, which has collapsed under its own self-gravitation, 












Snapshots of the collapse of a model ro ta ting  about the z-axis with
2Tran/W  = .33, A -  0.1S:
a) looking down the y-axis
b) looking down the z-axis.
The tim e is in units of the free-fall time.
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The average density after relaxation has taken place, in the plane 2 =  0 
is shown. A num ber of systems at different times have been added together 
to obtain this result. The smoothing length is h — 0.064.
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The density distribution of an isotherm al self-gravitating gas sphere in 
equilibrium with the sound speed c\{ — 1.274 c2crit\
the solid line denotes the ’tru e ’ density distribution, obtained by nu­
merically integrating the isotherm al equation,
the signs denote the sm oothed density, obtained by sm oothing the 
above ’tru e ’ density using equation (6.1.5) and a sm oothing length h =  
0.17R  when boundary term s are not included, and
the dotted line denotes the sm oothed density when the boundary terms 
are included.
Length is in units of the sphere radius R , and density is in units of 







The self-gravitational force of an isotherm al gas sphere with sound speed
c l  = 1.274 4 « :
the solid line denotes the true gravitational force (the pressure forces 
are equal and opposite),
the dotted  line denotes the sm oothed pressure force one could expect 
to obtain from the same distribution using the m ethod based on equation 
(6.1.2), with no boundary term s and a sm oothing length h = 0.17R.




The same as for figure 6.1.2, except th a t boundary term s have been 




a) The density distribution of an isotherm al self-gravitating gas sphere 
in equilibrium  w ith a sound speed c2{ — 1.274 c2rit\
the solid line denotes the expected sm oothed distribution, i.e. obtained 
by sm oothing the true  distribution with a sm oothing length h = 0.17R,
the dotted  line denotes the results of an SPH model run with heavy 
damping, 300 particles and a smoothing length h = 0.17R.
b) The radial gravitational force acting on an isotherm al self-gravitating 
gas sphere in equilibrium  with a sound speed c2H — 1.274 c2rit\
the solid line denotes the expected sm oothed distribution, i.e. obtained 
by sm oothing the true  distribution with a sm oothing length h =  0.17R,
the dotted  line denotes the results of an SPH model run with heavy 
damping, 300 particles and a smoothing length h =  0.17R. The pressure 
force is equal and opposite within 2%, indicating tha t equilibrium has been 
reached.
Length is in units where R  = 1, the density is in units where the to tal 




















The collapse of a non-rotating dissipationless twophase system is com­
pared w ith its single phase equivalent. The top line shows the evolution of 
the half-mass radius of the single phase model. The bo ttom  line shows the 












The relative metallicity ( in units where the m axim um  m etallicity is 





Com parison of the evolution of the half-mass radius of the cold phase, 
suffering dissipational collapse, w ith the evolution of the half-mass radius 















Snapshots of the collapse of the cold phase of a twophase model initially 
rotating about the z-axis with 2Tran/ W  =  .33, A = 0.18:
a) looking down the y-axis
b) looking down the z-axis.
The time is in units of the free-fall time.
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